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Abstract

Classical Be stars are the only Main Sequence stars that possess Keplerian decretion circum-
stellar disks ruled by viscous processes. The physical properties of the disk can be studied by
modeling its physical structure and solving the radiative transfer problem. At this point, the cal-
culation of synthetic observables arises as a tool to investigate the physical quantities of these
systems. Among the proposed models to explain Be star disks, the Viscous Decretion Disk model
is the only one correctly explaining a large set of evidences that implies that viscous shear is the
mechanism driving the disk outflow.

Modeling of observations requires elaborate procedures to achieve reliable results. In the
case of Be stars, the system under study is very complex. The central star is affected by fast
rotation and stellar pulsation. The disk structure varies in time, and depends in a complex way
on several factors, e.g., disk feeding rate, viscosity, the presence of a binary companion, etc.
Another source of complication is the complex interplay between stellar and disk parameters.

We present a new tool for modeling Be star observations that takes into consideration most of
the relevant physical processes. Named BEATLAs, it consists of two parts. The first part is a grid
of Be star models that cover all the relevant physical parameters of the star (mass, age, rotation
rate, etc.) and the disk (size, density structure, density scale, etc.). BEATLAS was computed with
the radiative transfer code Hpust. The stellar parameters were obtained from the Geneva stellar
evolution models.

The second part is a set of computer tools to the fit of the observations with BEATLAS using
Bayesian statistics to infer the posterior probabilities of each stellar and disk parameter. BEAT-
LAs allows for using prior information, such as distance, vsini and inclination, when available.
Our main goal with BEATLAS is to provide means for studying B and Be stars observations into

account all the relevant parameters and their cross correlations.



BEeATLAS was first applied to study of 111 OBA stars. Using IUE data and prior information
(vsin i and Hipparcos parallax) about these stars, we were able to derive their stellar and geomet-
rical parameters, as well as the corresponding interstellar extinction. A comparison of our results
of those from the literature yielded in general good results. Deviant cases must still be analyzed
in more detail, but one possibility under investigation is that they due to fundamental differences
between our approach and some of the ones used in the literature (e.g., rotating vs. non-rotating
models) which limits the viability of a direct comparison.

A second application was on the Be Star § CMi, which was modelled by Klement et al.
(2015) also using the Viscous Decretion Disk model. The results show the ability of BEATLAS to
quickly recover the disk and stellar parameters. Furthermore, a detailed analysis of the results
show that our procedure does indeed provide for more robust and realistic error estimates by
properly considering the coupling between the parameters.

Finally, a third application was on the Be star @ Arae. We present new observations (po-
larization, spectroscopy and sub-mm photometry) that, together with data obtained from the
literature, show that @ Arae had a stable disk for the last 50 years. We found a disk density
slope (n = 2.44*037) that is inconsistent with the standard theory that predicts that isothermal
steady-state disks should have n = 3.5. Two effects may be responsible for this: non-isothermal
effects in the disk, or the effects of a binary companion. Our results provide evidence that @ Arae
is a binary system. In our case, evidence came for the change of the SED slope in the sub-mm
domain, here interpreted as being caused by an unseen binary companion that truncates the disk

of the primary.
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Chapter 1

Introduction: The Be phenomenon

1.1 Chapter Summary

This Chapter presents a synopsis of the scientific problem and its astrophysical relevance
(Sec. 1.2), followed by a discussion about the stellar rotation (Sec. 1.3). Thereafter, in Sect.
1.4, we introduce additional classes of stars that were studied alongside the Be stars. A detailed
description of the circumstellar disks of Be stars and its current paradigm is given in Section 1.5.

We summarize our objectives in Sect. 1.6.

1.2 Classical Be Stars

This thesis will deal mostly with stars in the mass range of 3 to 20 M. During their Hydro-
gen burning phase known as the Main Sequence (hereafter MS), these stars have spectral types
between B9 and BO. Table 1.1 summarizes the stellar parameters of the B stars for each subtype.

A sizeable fraction of these stars present spectroscopic peculiarities (e.g. emission lines) in
their spectra (e.g. Smith, 1996). The reason for these emission lines is always the presence
of circumstellar material around the star. For some objects, e.g., magnetic B stars, magnetic
fields are the underlying cause for the presence of circumstellar material (e.g. Wade G. A.,
Wade). This thesis focus on another class, the Classical Be Stars (hereafter, CBe; see Jaschek
etal., 1981; Collins, 1987, for proposed spectroscopic definitions). They are recognized by their
outwardly diffusing gaseous, dust-free Keplerian circumstellar disk that arises in active phases
(Rivinius et al., 2013) and by showing the highest rotation rates among MS stars (e.g. Townsend
et al. 2004; Frémat et al. 2005; Granada and Haemmerlé 2014).

Since the discovery of CBes (Secchi, 1866), many efforts have been made to understand their

distinguishing characteristics. For instance, progressing observational techniques seen in the last
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Table 1.1 - Stellar parameters of MS Be stars obtained from Townsend et al. (2004).

Sp. M,  Rpole Vet log L,
Subtype [Mo] [Ro] [kms™'] [dexLo]
BO 17.5 7.7 538 4.64
BO.5 146 69 519 4.41
B1 125 63 502 4.21
B1.5 10.8 5.7 491 4.01
B2 9.6 54 475 3.85
B2.5 8.6 5.0 468 3.68
B3 7.7 47 456 3.52
B4 6.4 42 440 3.24
B5 55 3.8 429 3.00
B6 48 35 418 2.78
B7 42 32 408 2.56
B8 3.8 3.0 401 2.39
B9 34 2.8 393 2.20

decades, such as space-based photometry, long-term monitoring campaigns, polarimetry, high-
angular resolution interferometry, etc. have provided invaluable data to study these objects in
detail (Rivinius et al., 2013). Adding this to the advances in our understanding of Be star physics
(both of the star itself and its disk) and of our computational ability, such that our knowledge of
Be stars has reached an unprecedented level (Sect. 3.2). The so-called Be phenomenon itself (the
origin of their observational features) is now much better understood, but progress must still be
made if we are to uncover the origin of the circumstellar disk. The interested reader is invited
to read the following review papers on CBes: Underhill and Doazan (1982); Slettebak (1988);
Porter and Rivinius (2003); Rivinius et al. (2013). They provide an interesting panorama of how
our knowledge on CBes has evolved over time.

The study of CBes is important for several reasons. For instance, even the range in spectral
type of the Be phenomenon is still uncertain, which demands a careful investigation of the neigh-
boring spectral types, i.e. O and A spectral types, Golden-Marx et al. (2016), for instance, report
the discovery of a few Oe stars in the Magellanic Clouds. Furthermore, despite the paucity of
massive stars', they play a crucial role in the evolution of the Universe, being regarded as one of

the main sources of heavy elements and UV radiation (Massey, 2003). The earliest B-type stars

! The terms massive star and high-mass star denote OB stars sufficiently massive to produce type II supernovae

(M /Mo > 8).
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provide a crucial test bed for the role of rotation for the evolution of both massive and intermedi-
ate mass stars (Huang et al., 2010). Moreover, massive stars are not born isolated (Sect. 1.2.2), in
which case the combined effects of winds, massive outflows of nearby companions, gravitational
interaction, and supernova explosions of these objects provide energy that can trigger processes
of mixing and formation of turbulence into the interstellar medium (Martins et al., 2005), as
well as affect their global evolution (Zinnecker and Yorke, 2007). Additionally, the CBe fraction
among B stars as a function of age, metallicity, and rotation is not well known yet, ranging from
3to ~ 50 % (e.g. Wisniewski and Bjorkman 2006; McSwain and Gies 2005; Zorec and Briot
1997; Keller et al. 1999; Maeder et al. 1999; Marco and Negueruela 2013; Bastian et al. 2017).
Approximately 10% of the MS B stars in the Galaxy are CBes (Rivinius et al., 2013).

One of the most challenging problems involving the study of CBe, Bn (Lamers et al., 1980), B
normal, Oe (e.g. Conti and Leep 1974; Negueruela et al. 2004) and Ae stars (Bohlender, 2016)
is the inference of their fundamental parameters (i.e., mass, temperature, rotation rate, radius,
inclination, etc). This task becomes more complex in our case due to two complicating factors:
the rapid stellar rotation (Sect. 1.3) and the fact that CBe stars have disks that partially veil the
star, making the problem more complex. We have, then, a coupled problem: the apparent stellar
parameters are changed by the disk, while the disk structure depends on the stellar characteristics.
Still in Be context, the currently accepted model (the Viscous Decretion Disk model) was tested
only for a handful of CBes to-date (Sect. 3.2). As such, more detailed studies of individual
Be stars are necessary to provide further validation of the model and an improvement of our

knowledge about the Be phenomenon.

1.2.1 Variability of Be Stars

Be stars are also subject to different sources of variability, which are manifested in several
observables and cover various time-scales. For instance, the short-term variations (~ hours-
days), observed in emission lines, are associated with non-radial stellar pulsations (NRP) (Baade
et al., 2016). On longer timescales, there are intermediate-term variations (~ days-months)
seen in the V/R variations of emission lines and associated with global disk oscillations (e.g.
Okazaki 1997; Carciofi et al. 2009). Recently, Labadie-Bartz et al. (2017) provided evidences
that photometric outbursts correspond to incomplete disk build-up events. What triggers these
disk events is still not clear, but mounting evidence points to NRP as the fundamental cause of

mass loss in Be stars (Baade et al., 2016). Intermediate-term variability has also been traced back
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Table 1.2 - Typical types of variability observed in CBe. NRP: Non-rotational pulsations. O:

Outburst. QPO: Outbursts and quasi-periodic oscillations.

Type Timescale Cause
Shorter Hours to days (0.1 to 2 days) NRP
Intermediate Days to months (2 and 200 days) 0 or QPO
Long Occasionally have duration of decades 0

to the effects of a binary companion (Sect. 1.2.2). Finally, longer term variabilities (~ years-
decades) represent the complete process of formation and dissipation of the disk (e.g. Bjorkman

et al. 2002; Rimulo et al. 2018). We summarize this variability in Table 1.2.

1.2.2  Binarity and Disk Truncation

Most of the massive O stars are binaries (~ 75%), or were at some moment of their life (Sana
et al., 2012). For B stars, the binary fraction can reach up to ~ 40% (Chini et al., 2012) or 29
+ 8 % (Oudmaijer and Parr, 2010). It is also high among Be stars, ranging from 27 (Sterken
et al., 1996) to 30 = 8 % (Oudmaijer and Parr, 2010). Hence, binary effects might be a common
component in massive star evolution, and is associated with a variety of astrophysical processes
and objects such as y-ray bursts, X-ray binaries, pulsars and double-neutron stars (Chini et al.,
2012). In this context, a close companion can significantly influence the massive star evolution
(e.g. Langer et al. 2008). The mass transfer in such a system is also an ingredient that must be
considered (Dunstall et al., 2015). All these relevant aspects lead to an increase in the search for
binary companions in the last decades (e.g. Chini et al. 2012). As a result, the conclusion is now
that most massive stars may be born as part of multiple systems (Sana et al., 2012).

The possibility that Be stars and supergiant sgB[e] might be binary evolutionary products
was explored in the past, and gained new momentum recently (e.g., Baade 1992; Vanbeveren
and Mennekens 2017). Currently, there exists about 20 known binary CBe + sdO/B systems,
which are believed to be a direct result of binary stellar evolution (e.g., Wang et al. 2018; Peters
et al. 2016). In brief, it is believed that the larger mass component, as it evolves and expands
after the end of the MS, fills its Roche Lobe and dumps material and angular momentum on the
secondary that, in turn, spins up and acquires the necessary rotational velocity to become a Be
star (Gies, 2000). The primary eventually has its outer layers striped off, and what remains is its

exposed core.
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Furthermore, some observational evidence points out to the possibility that gravitational in-
teractions between a Be star and a companion could induce periodic variability and ellipsoidal
precession of the disk (Panoglou et al. 2018; Cyr et al. 2017). In addition, the companion might
act on the disk by tidal effects or in its thermal properties, e.g., by irradiating the outer part of
the disk (Peters et al., 2016). A list of some known binary Be stars is shown in Table A.1.

Long-baseline interferometry is the most powerful technique to detect companions (Meilland
et al., 2012). Despite this, the detection of very close companions (< 100 mas) has an obser-
vational limit (Sana et al., 2014). To investigate this issue, Chini et al. (2012), using another
technique, performed a high-resolution radial velocity study of a spectroscopic survey contain-
ing ~ 250 O stars and ~ 540 B stars in the southern Milky Way. They found that > 82% with
M > 16 M, form close binary systems; this fraction drops to only 20% for M ~ 3 M. The
smallest orbital period found in their study was only a few days, corresponding to critical sepa-
rations of ~ 0.2 AU. This is the limit in which the system could merge into a single object. In
summary, the multiplicity fraction seems to decrease with decreasing stellar mass.

A peculiar phenomenon in binary Be systems is that the secondary could truncate the disk to
a radius dependent on the orbital parameters (eccentricity, semi-major axis, etc.) (e.g. Okazaki
et al. 2002). Observational detection of disk truncation is difficult due to the fact that the outer
disk emits very little flux in the visible and infrared. Recently, Klement et al. (2017) proposed
that the observed drop in the SED slope in the radio domain, observed in several Be stars and
dubbed SED turndown, might be associated with disk truncation. Since that paper, many more
cases of SED turndown were found (Robert Klement, priv. comm.). It must be emphasized,
however, that an alternate explanation for the SED turndown exists. It involves a transonic transi-
tion in the disk, which is defined by the locus pressure forces are larger than the viscous torque,
resulting in a sudden drop in the gas density profile (Okazaki et al., 2002). Nevertheless, as
mentioned by Klement et al. (2017), this photoevaporation transition is expected to occur much
farther away than the putative truncation radii estimated from the SED turndown.

The hypothesis that the SED turndown is caused by binary truncation, requires an independent
identification and characterization of the binary orbit, e.g., by means of radial velocity measure-
ments. Of the stars studied by Klement et al. (2017), y Cas and { Tau were previously known
as binaries, and the truncation radius inferred from the SED turndown agreed with the orbital
parameters. Another example is 8 CMi, which was suggested to be a binary by Klement et al.

(2015) and later identified as such by Dulaney et al. (2017).
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Figure 1.1: Snapshots of a complete cycle of the reference binary system at quasi-steady state
simulated by Panoglou et al. (2016). The distances are given in semi-major axis, a, units. Green
dots: position occupied by each companion.

The truncation problem was explored by Panoglou et al. (2016). They examined theoretically
the cases of circular and eccentric coplanar orbits, both prograde and retrograde, using the same

3D SPH code adopted by Okazaki et al. (2002)?. Their main conclusions were:

1. In near circular binaries, the disk maintains a near-steady state structure composed of two-
opposing spiral arms that rotate in phase with the orbital motion of the companion (see

Fig. 1.1). In such cases, the truncation region might be independent of the orbital phase;

2. A small disk could be present even for very close binaries, for instance, a companion with
Pow = 5 days could have an observable disk with truncation radius, R, = 2.5R,. Such

small disks have indeed been observed in short-period Be X-ray binaries;

3. From circular to moderately eccentric (€ ~ 0.6) orbits, the inner disk preserves its structure,
but the outer disk has a truncation region that varies with the orbital phase. These effects

are maximized for highly eccentric orbits;

2 The case of non-coplanar orbits was investigated by Cyr et al. (2017).
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4. The binarity induces an accumulation of material in the inner disk (as effect dubbed as
accumulation effect) that generates an inner density exponent lower than the steady-state

value for isolated Be disks;

5. For non-coplanar orbits, the disk can become warped, i.e., it no longer lies in the equatorial

plane of the primary.

1.3 Stellar Rotation

A star may acquire angular momentum during the pre-MS phase, from its parent cloud angular
momentum is conserved or through interactions with other protostars (e.g. Huang and Struve,
1954). In this phase, the accreting protostar can break up due to the centrifugal force. When a
star enters the MS, it is believed that its magnetic field can interact with the stellar wind, carrying
away its primordial angular momentum. Over time this gradually slows the stellar rotation rate
(e.g. Ferreira et al., 2000).

The breaking mechanism discussed above does not apply to CBe. Actually, this is an impor-
tant ingredient to differentiate magnetic stars from CBe, since large-scale magnetic fields have
not been detected in any CBe star, which strongly indicates that the Be phenomenon could be
independent of magnetism or suppressed by magnetism (Grunhut et al., 2012). As an example,
we show the mean intensity of the magnetic field along the line of sight, < B, >, of several MS
stars in Figure 1.2. This figure shows that the stronger magnetic fields appears around the A
spectral types decreasing towards the early spectral types B and O. When we plot the < B, >
field versus v sin i (Right panel of the Fig. 1.2) there is no clear evidence of correlation between
these physical quantities.

The equatorial rotational velocity, veq, is frequently used to describe the rotation, but is usu-
ally difficult to measure directly. Actually, what is measured is the projected rotational velocity,
Veg Sin i, which depends on the inclination of the stellar rotation axis with respect to the line of
sight, i. Among the usual techniques to determine the v sin i, there are: (1) Doppler broadening
of photospheric lines caused by the stellar rotation (Shajn and Struve, 1929). Townsend et al.
(2004); (i1) direct measurement of the shape of the star by interferometric techniques (see below;
e.g. Domiciano de Souza et al. 2014).

The break-up or critical velocity of a star is used to describe when the centrifugal force at the

equator is equal to the gravitational force. While the equatorial rotational velocity is below this
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Figure 1.2: Left: Magnetic field versus effective temperature for main sequence stars taken from

Bagnulo et al., 2015. B, refers to mean intensity of the magnetic field along the line of sight.
Right: Magnetic field versus projected rotational velocity for main sequence stars taken from
Bagnulo et al., 2015.

value, the star remains stable (Hardorp and Strittmatter, 1970). The critical velocity is given by,

Verit = > (11)

2GM,  |GM,
3Rpole R

eq
where M, is the stellar mass, Ry, and R.q are the polar and equatorial radii, respectively. The
term 3/2 above comes for the Roche equipotential approximation for a critically rotating star in
solid rotation (Roche, 1859). In this approximation, a critically rotating stars has an equatorial

radius 3/2 larger than the polar radius (see below for more details).

In our work, we employed the stellar rotation rate definition,

W= et (1.2)

Uorb

where v, 1s the Keplerian circular orbital velocity at the equator, and v, is the rotational velocity
at the equator (Rivinius et al., 2013). Rivinius et al. (2013) argue that W is the physically most
meaningful quantity to describe rotation because it is model independent (e.g., it does not depend
on the particular structure assumed for the star as the Roche approximation does). Physically,
it “defines what velocity boost is required for a given star to launch material into the closest

possible orbit, i.e., just above the photosphere at the equator.” (Rivinius et al., 2013).



Section 1.3. Stellar Rotation 31

1.3.1 Fast Rotation in Stars

Rotation is an important ingredient for understanding the formation and evolution of stars
(e.g. Cranmer 2005; Ekstrom et al. 2008; Granada et al. 2013), being the main cause of several
physical effects observed in stars. This is especially relevant in our case, since high-rotation rates
are expected to be more common among early spectral types (Cranmer, 2005). As pointed out by
Ekstrom et al. (2011), the effects of fast rotation on the stellar structure during its evolution are
several: oblateness (e.g. Collins and Harrington 1966; Maeder 2009), mixing, transport of angu-
lar momentum from the core to the surface, and gravity darkening (Collins, 1963) which changes
its surface brightness distribution (von Zeipel, 1924). For these reasons the gravity darkening and
oblateness must be considered in any modeling effort, as its effects produce significant changes
to the disk thermal structure of Be stars (e.g. McGill et al. 2011), as well as the SED and line
profiles (Townsend et al., 2004). In addition, the evolutionary tracks (Ekstrom et al., 2012) show
that rotating hot stars and non-rotating models have non-negligible evolutionary differences. For
instance, models show that fast rotation can substantially increase the MS lifetimes.

In the Roche approximation (rotating solid body equipotentials, Cranmer 1996), the oblate-

ness of the star is related to the rotation rate by

R 1/2
W:(z “ —2) , (1.3)

pole

where R, and R, are the equatorial and polar radius, respectively. Therefore, as W approaches
1, Req/Rpote goes to 1.5.

Figure 1.3 shows the estimated oblateness versus v sin i for several spectral types and lu-
minosity classes. Some relevant aspects are: i) most of the MS early-type stars (circles) occupy
high-velocity regions (2 200km/s), while the late-type stars are more concentrated in low-
velocity regions; ii) giant, subgiant, and MS early-type stars have larger oblateness. These results
strengthen the view the fast rotation is important to understand the formation and evolution of
stars, being more common among early-type O, B and A stars (Cranmer, 2005).

The large rotation rates associated with Be stars play an instrumental role in the formation
of the disk, allowing photospheric material to be ejected into orbit and so triggering the Be
phenomenon (Struve, 1931). These high rotation rates require spin up mechanisms, to enable
the Be star to reach nearly critical rotation rates as they evolve (Grudzinska et al., 2015). Among

these mechanisms is the spin up during the MS evolution (Ekstrom et al., 2008), associated with
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Figure 1.3: Oblateness versus projected velocity for several spectral types. The different colors
represents the spectral types and the different symbols the luminosity classes (data from van Belle,
2012). The position occupied by @ Arae is indicated for later comparison.

the second half of the MS lifetime of the B stars (McSwain and Gies, 2005). Besides, Huang
et al. (2010) concluded from V,q/ V. distributions that low-mass B stars are born with a larger
proportion of rapid rotators than high-mass B stars. Their results suggest that high-mass B stars
experience angular momentum losses across the pre-MS and during the MS phase. In this context,
statistical studies (e.g. Cranmer 2005) present evidence that cooler Be stars are more likely to be
critical rotators. Furthermore, according to Massey (2003) the rotation might also be responsible
for transporting stellar material from the core to the photosphere (Meynet and Maeder, 2000).
This could exert a profound effect on the stellar mass loss rates (Maeder, 2009).

Another spin up mechanism is the binary spin up in a mass exchange binary, already de-
scribed above. One current topic of interesting in CBe research is to identify the relative role
of each process (evolutionary spin up vs. binary evolution) in determining the observed CBe
population.

It has been understood long ago that fast rotation is not the only mechanism behind the Be
phenomenon. The existence of Be stars rotating at somewhat lower rates (as low as W ~ 0.6),
mainly among the earliest spectral subtypes (Huang et al., 2010), suggests that rotation alone
can not trigger the Be phenomenon. Therefore, additional mechanisms to push the photospheric

material to form the disk are needed (Sect. 1.5.1).
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1.3.2  Gravity Darkening

Gravity Darkening (GD) is another effect caused by rotation. It causes flux to be redirected
towards the pole, thus making the poles hotter than the equator (von Zeipel, 1924). McGill et al.
(2011) studied the effect of the GD upon the thermal structure of Be star disks for models covering
a wide range of spectral types and rotation rates. They showed that the GD produces changes in
the temperature structure of Be disks.

GD increases the relative weight of the polar regions in the integrated flux, causing the photo-
spheric line profiles to appear narrower (Townsend et al., 2004; Cranmer, 2005). This later effect
is quite important, as it leads to a systematic underestimate of the v sin i (Townsend et al., 2004).
Therefore, there are systematic errors in the determination of rotational rates and inclination

angles, depending on whether GD is adopted (Frémat et al., 2005).

1.4 Other Peculiar Hot Stars

Besides CBe, there are several other stellar groups classified as peculiar stars (see summary
by Rivinius et al., 2013) that, sometimes have their properties associated with the presence of
non-negligible magnetic fields. This constitutes an important ingredient to differentiate them
from the CBe, since large-scale magnetic fields have not been detected in any CBe star to date.

Below we describe the broad characteristics of some other emission line stars.

1.4.1 Classical Oe Stars

A few stars hotter than BO can present signs of decretion disks; this is the case of Oe stars.
Oe stars are rapidly rotating O stars with narrow Balmer and helium emission lines along with
broad absorption lines, but not having the characteristic emission features of Of stars, such as
Hell 14686 and NIII 14634-40-42, associated with strong stellar winds (Conti and Leep, 1974).
They also present V/R and Balmer line variability (e.g. Rauw et al., 2007) and can present Hel
emission lines (e.g., Frost and Conti, 1976). In the context of the VDD model, Golden-Marx
et al. (2016) suggests that Oe stars are the high-mass extension of the Be phenomenon. Oe stars
have stronger radiative forces, reducing their disk lifetime to order of days®. This can explain

the rarity of the Be phenomenon among O-type stars. From Figure 1.4, adapted from Kee et al.

3 Johnston et al. (2015) published the discovery of a keplerian-like disk around the forming O-type star AFGL
4176 from ALMA data in 1.2 mm.
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Figure 1.4: Time to destroy an optically thin disk as predicted by Mg/ Myina (red squares)
compared with the time from simulations (black circles) made by Kee et al. (2016).

(2016), it is possible to note that the lifetime of a disk decreases by a factor of ~ 250 when we
compare B3 to O7 spectral types. It must be emphasized, however, that the role of ablation in
the disk mass budget is still uncertain.

For the purpose of studying the presence of the Be phenomenon in late-type O stars, we made
use of a new calibration of the stellar parameters of O stars given by Martins et al. (2005). In their
work, contrary to previous works (e.g. Vacca et al. 1996), new ingredients such as metallicity,
wind, and line-blanketing effects were considered (they did not consider the oblateness). Their
results are shown in two types of effective temperature scales: a) an observational scale derived
from a compilation based on spectroscopic studies; b) a theoretical scale: calculated directly
from interpolations of a CMFGEN (Hillier and Miller, 1998) grid of NLTE spherically extended
line-blanketed models. They obtained a good agreement between the theoretical and observa-
tional scales for dwarfs and super-giants stars. Table 1.3 shows their stellar parameters for the

observational scale.

1.4.2 Bn Stars

The spectroscopic appearance of Bn stars is virtually identical to CBes when the later are in a
disk-less phase (Kolb and Baade, 1994). They are a non-negligible subgroup of the B stars. For
instance, Baade (1992) pointed that there is for every Be star listed in the Bright Star Catalogue
(Hoffleit and Jaschek, 1982) a similar Bn star with the same spectral type and projected velocity,

vsin i.
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Table 1.3 - Stellar parameters of late MS O stars obtained from Martins et al. (2005). Spec:

results obtained from spectroscopic analyses.

Spectral Teg loggsgpee My BC logL R, Mgpec

Class  [K] [cms™] [Lo] [Ro]  [Me]
5 40,862 3.92 521 377 549 11.20 38.08
6 38,867 3.92 492 3.62 532 10.11 30.98
7 36,872 3.92 4.63 347 5.14 9.15 2529
7.5 35,874 3.92 448 3.39 505 870 2290
8 34,877 3.92 434 330 496 829 20.76
8.5 33,879 3.92 4.19 322 486 7.90 18.80
9 32,882 3.92 4.05 3.13 4.77 7.53 17.08
9.5 31,884 3.92 390 3.04 4.68 7.18 15.55

Interestingly, the occurrence of Be/Bn transitions appears to be absent. In summary, there
are two main characteristics that differentiate Be and Bn stellar types and point to independent
evolutionary paths: (i) no record of Bn stars observations displaying any circumstellar emission;
(i) the absence of non-radial pulsation in Bn stars, in contrast with the relatively high incidence

among Be stars (Baade, 1992).

1.4.3 Ae and A Shell Stars

The A spectral class has two peculiar spectral types: Ae and A shell stars. They might present
emission in the Balmer lines and strong IR excess. Bohlender (2016) found an increase in the
frequency of Ha emission and shell phenomena in the most rapidly-rotating A-type stars and a
decrease as the T4 decreases. These trends are also seen in CBe and might be ascribed to the
presence of a disk. This evidence suggest that the Ae stars are regarded as the late-type extension
of Be stars, although they are likely confused with S Pictoris objects, in which case their disks
would be pre-MS primordial disks (Rivinius et al., 2013). We show their stellar parameters in

Table 1.4.

1.5 The Circumstellar Disk of Be Stars

Disks are natural consequences of accretion systems, being present in the formation of Young
Stellar Objects and in close binary systems with mass exchange (Owocki, 2006). In this context,

Be stars are too old to have kept a protostellar disk, and today it is firmly established that their
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Table 1.4 - Stellar parameters of early MS A stars obtained from Adelman (2004).

Stellar M, R, Teq

Class  [Mo] [Ro] [K]

AOV 240 1.87 9,727
A2V 219 1.78 8,820
A5V 186 1.69 7,880
A6V 180 1.66 7,672
A7V 1.74 1.63 7,483
A8V  1.66 1.60 7,305
A9V 1.62 155 7,112

disks are not primordial. The disk of Be stars becomes apparent at optical wavelengths mainly
by the presence of hydrogen (e.g. Balmer lines) and metallic emission lines (stronger Hel and
Fell lines) (Lamers et al., 1980), and by the polarization of the stellar light by the disk (e.g.,
Yudin, 2001; Kjurkchieva et al., 2016). The IR domain is characterized by an excess emission
due to continuum bound-free and free-free thermal emission (e.g. Cote and Waters 1987).

The geometry of Be star disks is well known. For instance, the confirmation that the disk
shape was not spherically symmetric came from polarimetric and optical interferometric obser-
vations (e.g. McLean and Brown, 1978; Porter, 1996; Quirrenbach et al., 1997). These facts
have been recently strengthened by the measurements of opening half-angles of disks of CBe
(Cyr et al., 2015). The values range from 0.15° to 4.0° in thin disks, being able to reach larger
values (3.7° to 14°) in thicker disks, which agrees with the current theory (Sect. 1.5.1).

The current theory used to explain the workings of the CBe disks is the viscous decretion
disk model (VDD, Sect. 1.5.1). The life cycle of a Be disk is quite complex, since the vast major-
ity of Be stars show variability in different temporal scales (Okazaki 1997; Carciofi et al. 2009;
Rivinius et al., 2013). Conceptually, the disk formation starts from material ejected from the star
through some still unknown process (Sect. 1.5.1). After being ejected, the material diffuses out-
wards under the action of viscous torques resulting in the formation of a decretion disk. The disk
continues to build-up as long as the mass injection goes on. If this phase lasts for a sufficiently
long time, the disk will eventually reach a near steady-state. After mass injection ceases, the disk
begins to dissipate inside-out, with the inner disk (partially) reaccreting quite quickly, followed
by the slow dissipation of the outer disk. Haubois et al. (2012) explored several mass injection
scenarios (e.g., long formation followed by long dissipation; cyclic on and off behavior, etc.),

and showed that the density profile of Be stars disks can be quite complex. Several recent stud-
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Figure 1.5: Model fit of the full light curve of w CMa (Ghoreyshi et al., 2018).

ies (Carciofi et al. 2012; Ghoreyshi et al. 2018; Rimulo et al. 2018) successfully fitted detailed
disk hydrodynamical calculations with observations. One example is shown in Fig. 1.5, what
fits long-term observations of the CBe w CMa with VDD models (Ghoreyshi et al., 2018). The
star went through four complete cycles of disk formation and (partial) dissipation in the past 30
years, and the VDD model was able to reproduce this complex behavior.

The disk physical parameters were investigated by many authors. For instance, Vieira et al.
(2017) inferred the disk density parameters (Fig. 1.6), the density at the base of the disk, py,
and the slope of the density profile, n, for a sample of 80 Be stars in the VDD context. They
found that 1.5 < n < 3.5 with the most frequent values spanning from 2.0 to 2.5 for all spectral
types. In addition they found that 1072 < p, < 107!° [gcm™], which agrees with Arcos et al.
(2017b). Both studies established that the disks are denser around early-type than in late-type
stars. According to the results of Haubois et al. (2012) and Panoglou et al. (2016), the disk
density slope is a proxy of the dynamical state of the disk. In short, a disk with n > 3.5 is
probably still in the build-up phase; if 7 is in the 3.0-3.5 range, the disk is likely in a steady-state
phase, while disk with low values of n can either be dissipating (Haubois et al., 2012) or showing
signs of matter accumulation owing to a nearby binary companion (Panoglou et al., 2016).

According to Huang et al. (2010), the low-mass stars (M < 4 M) need a higher rotation
rate (Voq / Veric > 0.96) to become a Be star, while that for high-mass cases (M > 8.6 M) this
lower limit decreases to V. / Ve > 0.64 . Earlier statistical studies endorse this hypothesis.
For example, Yudin (2001) identified that larger values of polarization and IR excesses are more

present among early spectral types. Moreover, they found that about 95% of the Be stars in their
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Figure 1.6: Distribution of < n > and < log pg > for Be stars with emission line profiles. < n > is
a measure of the density slope of the disk and < py > is the mass density at its base. Reproduced
from Vieira et al. (2017).

sample exhibit intrinsic polarization on the level 0% < p, < 1.5% (Fig. 1.7a). The behaviour
of the polarization and the near IR excesses of the Be stars revealed a maximum mean value

between B1-B2 spectral types, decreasing toward late spectral types (1.7b).

1.5.1 Viscous Decretion Disk Model

In the last decade, a consensus emerged of how Be disks are structured thanks to observa-
tional and theoretical advances. Undoubtedly, the only theory capable of explaining the global
picture presented by observations of Be disks is the Viscous Decretion Disk model, proposed
by Lee (1991) and developed by several other authors (Porter 1999; Okazaki 2001; Bjorkman
and Carciofi 2005b, Krticka et al. 2011). The VDD model is similar to that employed for proto-
stellar disks (Pringle, 1981), the difference being that Be disks switch between outflowing and
inflowing, while pre-MS disks are inflowing. In the VDD model, it is supposed that an unknown
mechanism injects material at the base of the disk at Keplerian orbital velocity. It is nowadays
commonly suggested that the underlying mechanism behind the actual mass loss involves some
combination of the following: non-radial pulsation, a combination of frequencies of different
pulsation modes (Baade et al., 2016), binarity (Sect. 1.2.2) or small scale magnetic fields (Riv-
inius et al., 2013). Once the material was ejected, turbulent viscosity transports mass and angular
momentum from the inner to the outer disk. Therefore, the density rises faster in the inner disk

regions during its growth, with the outer parts filling up much more slowly.
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Figure 1.7: Left: Linear polarization level versus projected velocity for luminosity classes I1I,
IV, and V. Right: Linear polarization level versus projected velocity over critical velocity for MS
stars. Data from Yudin, 2001.

The VDD model has been employed in the study of individual Be stars (e.g. Carciofi et al.
2006; Carciofi et al. 2009; Tycner et al. 2008; Wheelwright et al. 2012; Carciofi et al. 2012;
Wheelwright et al. 2012; Sigut et al. 2015; Faes et al. 2015; Escolano et al. 2015; Klement et al.
2015; Silaj et al. 2016; Ghoreyshi et al. 2018) and samples of Be stars (e.g. Jones et al. 2008;
Haubois et al. 2012; Haubois et al. 2014; Touhami et al. 2014; Vieira et al. 2015; Panoglou et al.
2016; Vieira et al. 2017; Klement et al. 2017; Arcos et al. 2017a; Rimulo et al. 2018).

1.6 Aims of this PhD Thesis

The introduction presented above provides a quick summary of the state-of-the-art in Be star
research. Much has been learned about the central star characteristics, with some Be stars having
their intrinsic properties measured with great precision by means of interferometric observations
(e.g., Achernar; Domiciano de Souza et al. 2014). However, for the vast majority of Be stars
their fundamental parameters are still poorly known, with estimates in the literature sometimes
differing by several spectral sub-types. This is issue number one.

Their disks have also been subject of an unheard of level of scrutiny. Only a handful of
Be stars were carefully modeled in detail, while samples were modeled using more simplified
approaches. This is issue number two: detailed modeling of large samples are needed in order to
form a clear picture of Be stars as a population.

Detailed modeling of one star is a very time-consuming endeavor, since what is usually done

is a manual search in the parameter space (e.g., the model of S CMi of Klement et al., 2015 that to
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date remains the most detailed model of a Be Star disk). This approach has a fundamental flaw:
since a Be + disk system has many free parameters, without exploring all the parameter space
one cannot be confident of the results of manual searches especially when there are degeneracies
is the parameters. Furthermore, all studies so far usually fix a set of parameters (e.g., the central
star properties), and let only a few vary. This is problematic as the results usually do not include
the usually large uncertainties and their correlations in the parameter values. This is issue number
three.

A final issue is that most studies so far approach the star and disk independently. A set of
observations (say, photospheric line profiles) is used for pinpointing the central star properties,
while another set (say, polarization) is used to investigate the disk. The system, however, is
coupled: the star affects the disk by its irradiation, while the disk may affects how a star is
seen by the observer. Therefore, a proper approach to the problem is to explore all observables
simultaneously. This is issue number four.

The goal of this thesis is to address the four issues above. This was done by developing a large
and complete grid of CBe models that include all the relevant stellar and disk parameters. The
grid, dubbed BeATLAs, is then used in conjunction with advanced Bayesian statistical methods
for multi-parametric fitting to allow for a seamless analysis of arbitrary sets of observations.
The analysis is done simultaneously for all observables and all parameters, resulting in a set
of posterior probabilities for each parameter. These posterior probabilities show how well a
parameter was constrained (or not), allow for robust error estimates and, more importantly, allow
the exploration of the interdependence of the parameters.

BEeATLAS Was tested initially for the well-known and well-studied star 5 CMi and for a set of
111 B, Bn, Oe, Ae stars that had precise UV spectra from the TUE satellite. It was then applied to
the CBe « Arae.

The thesis is organized as follows. The statistical tools and BEATLAS are shown in Chapters
2 and 3, respectively. In Chapter 4, we describe the adopted methodology. Chapter 5 is devoted
to the study of the sample of B, Bn, Oe and Ae stars, and Chapters 6 and 7 describes the results
for B CMi and a Arae, respectively. We summarize our conclusions in Chapter 8. In Chapter 9,
we show the future prospectives. The published articles, tutorials, and tables are presented in the

appendices.



Chapter 2

Statistical Tools

2.1 Chapter Summary

This Chapter describes the statistical tools adopted in our study. A discussion on the sta-
tistical theory is presented, followed by a description of the EMcee code used in the inference
procedure. The visualization tools are shown in Section 2.4. We end this chapter by showing an

example application (Sect. 2.5).

2.2 Astrostatistics

The history of Astrostatistics can be traced back as far as the ancient studies developed by
Thales of Miletus (624 - 546 BC); (Hilbe et al., 2017). Notoriously, he predicted a total solar
eclipse in central Lydia in May 585 BC. Similarly, Hipparchus (190-120 BC) also applied prim-
itive statistics in his analysis. It looks that, at least from these examples, statistics somehow or
another accompanied the developments in Astronomy, being essential for the development of
our knowledge. In principle, we can say statistics refers to a science designed to summarize' a
set of collected finite raw data, providing useful information that allows us make decisions based

on the data while allowing for the imperfection in the data.

2.2.1 Machine Learning and Data Mining

The term Machine Learning refers to a set of techniques for interpreting data. These tech-

niques essentially work by comparing data with models through several inference methods, for

! Here, it is implicit the process of analyzing the data for “the purpose of classification, prediction, and of at-

tempting to quantify and understand the uncertainty inherent in phenomena underlying data” J. M. Hilbe 2014.
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instance: regression, supervised classification, maximum likelihood estimators, or Bayesian in-
ference (Ishak, 2017). In the Machine Learning context, there is a set of techniques for analyzing
and describing structured data called Data mining which is used, for example, to find patterns in
large data sets.

Next, we will revisit essential statistics concepts to draw an overview didactic picture of our

inference problem.

2.2.2 Probability Distributions

Wall and Jenkins (2012) argue that the concept of probability is the keystone in statistics,
providing crucial information to make a decision. For our purposes, i.e. the Data Mining and
parameter inference context, it poses the problem of how to estimate the distribution /(x) from
which the values of a continuous random variable x are drawn. The distribution A(x), also called
the probability density function (PDF), simply quantifies the probability, h(x)dx, of a value of x
to be between x and x + dx. The PDF has the following properties, that apply in the case x is a

continuous quantity with allowed values between —co and +oco
(1) pla<x<b)= fab h(x)dx;
(i) [ h(x)dx = 1;

(i11) h(x) is a single-valued non-negative number for all real x.

The integral of the PDF from minus infinity to x, in the case of a continuous distribution,

H(x) = fx h(x)dx", (2.1)

(%Y

is called the “cumulative distribution function”, CDF. For a random variable Y, H(Y) is the prob-
ability that Y will be less than or equal to x.

The quantile function, which specifies the value of a random variable being less than or equal
a given probability, is the inverse of the CDF. In other words, the quantiles are values that limit
a certain percentage of the observations of a given variable. The notation for a quantile is gq,
where d indicates the defined percentage. For instance, ¢;,¢, is the quantile that delimits 12% of

the lower values of the data.
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2.2.3 Bayes’ Theorem

Thomas Bayes (1702 - 1761) was an English vicar, mathematician, and statistician. His work
as a statistician, probably published posthumously, is the Essay Towards Solving a Problem in
the Doctrine of Chances. Bayes’ theorem allows us to make inferences from data, by considering
what is known about each free explored parameter. Therefore, Bayesian method yields optimum
results assuming that all the supplied information is correct.

Nowadays Bayes’ inference is often applied to estimate parameters and their uncertainties
from a set of model parameters when the shape and scale of their probability density distribution
are unknown (Astrobites - “Your Gateway to the Bayesian Realm”?). Opposite to descriptive
(also called frequentist) statistics, in the Bayesian context, we have a probability distribution
f(data|®)?, and we wish to know the parameter vector ®. The Bayesian route is clear: it proposes
using Bayes’ theorem to compute the posterior distribution of ®

®)p(O
p(Blx) = PAOP©) (2.2)

p(x)
The posterior probability p(®|x) is the probability of our model parameters ® given the data

x. To compute this we multiply the prior p(®) (what we know about ® before we have seen
any data) and the likelihood p(x|®), i.e. how we believe our data is distributed. p(x) is the

probabilities of observing x independently of 6, also known as the marginal probability.

Likelihood function

We can rewrite the Bayes’ theorem as

p(DIM, 0, )p(M, O|I)
p(DII) '

where D represents the experimental data, M the set of models, ® = ©, ..., ®, the model param-

p(M,0ID, 1) =

(2.3)

eters and [ additional information.
The term p(D|M, ®, 1) is the distribution that is used to explain the predictor (i.e. indepen-
dent variable) and parameter data called likelihood, defined by some model M(®) and all prior

information /.

2 astrobites. org/2011/11/26/your-gateway-to-the-bayesian-realm;
3 The conditional probability of A, given that we know B is given by, p(A|B).


astrobites.org/2011/11/26/your-gateway-to-the-bayesian-realm

44 Chapter 2. Statistical Tools

As an example of likelihood, let’s consider the well-known )(2 function

)2
pDI®) = ) % 2.4)

1

This function represents the probability of getting a set of N observations of the quantity f; with
an error of o7 given a theoretical model fg ;. Therefore, the likelihood is a function of the model

parameters, ©.

Priors

The term p(M, ©O|I) in Eq. 2.3 is called prior or “initial belief”. It is a a priori information
that summarizes the probability about a particular model parameter or a set of model parameters.
Therefore, a prior is essentially used to constrain model parameters. Although the term “prior”

suggests “before the inference process” actually it summarizes what it is known about the data.

Posterior

The product of the prior and likelihood distributions defines the posterior (p(M, ®|D, I)), the
probability of our “improved belief”. In particular, we can quantify the uncertainty in our model
parameters using this posterior probability distribution. A common approach is to apply some
numerical technique to draw samples from the posterior, so we can characterize the shape of its

distribution. This is where Markov Chain Monte Carlo (MCMC) comes in.

2.3 Markov Chain Monte Carlo

MCMC methods were developed for sampling PDFs. The most common MCMC implementation
is a random-walk algorithm that estimates the posterior distribution thus allowing us to obtain
the uncertainties for each of our model parameters.

In essence, the random walk starts with one random set of model parameters (a “initial state™),
which is then perturbed and moves (walks) in the parameter space*. A ‘“chain” of states is
created through this process. Note that the next step only depends on the current step. This is a
fundamental requirement since it guarantees the Markov Chain will be able to explore all of the
parameter space. Through this process, we build a “chain” of states that can be used to generate

the PDFs of each parameter.

“ The step size should be controlled according to the acceptance fraction (Foreman-Mackey et al., 2013).
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In summary, the typical procedure is:

1. Initially, identify an acceptable starting model. From here, we gauge how the model pa-
rameters are constrained and use this information to assign a list of “walkers”, and the

scale length to perturb each parameter value;
2. Calculate the posterior probability of this state, p(®4|D);

3. Next, apply a random step to our current state, and calculate the posterior probability for

this new trial state p(®,ew|D);

4. Compare the two posteriors. If p(®,.|D) is better than p(®,4|D), accept it as a new state.
If it is worse, there is no change otherwise the new state is accepted. Note that because
we are taking the ratio between the two probabilities for the same physical model, it is not

necessary to compute again the evidence term, p(D);

5. Go back to step 3. Keep repeating until a “chain” of N, states is assembled. The whole

chain, or part of it, can be used to estimate the posterior distribution of each parameter.

2.3.1 Metropolis-Hastings MCMC

The Metropolis-Hastings algorithm (Metropolis et al., 1953) constitutes the simplest MCMC
algorithm. It depends on two inputs: (i) a set of model parameters to be sampled, f(®); (ii) a
proposal function ¢(®’|®) that delivers samples. By using these two inputs, the algorithm is able
to evaluate (@)’ for any set of the parameters ®. Then, the algorithm proceeds drawing a new
position @’ in the parameter space starting from a previous position ®. This procedure allows us
to random-walk around the parameter space.

In summary, the algorithm is:

1. Initialization: choose an arbitrary point @;
2. For each iteration k, given a probability function f(x) o< p(x):

(a) For the next sample, generate a candidate ®” from the distribution g(®’|Gy). g(®’|®y)
is an arbitrary probability density function that suggests a candidate for the next sam-

ple value ®’ given the previous sample value Oy;

> In our context, this function would be the posterior function evaluated at the observed data D.
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(b) Calculate the fraction: @ = f(®')/f(O) = p(®")/p(Oy). This allows us to decide if

we accept or reject the current candidate;
(c) Accept or Reject:

1. Generate a random number u between 0 and 1;
ii. If u < a the candidate is accepted (O, = O');

ii. If u > a the candidate is rejected (O, = Oy).

2.3.2 EMCEE

The code EMcEE is a high-performance open source PytHon module®. It uses variations of a
MCMC method developed by Goodman and Weare (2010) where multiple “walkers” are used to
propagate multiple Markov chains simultaneously for the parameter determination, their correla-
tions and error estimates. The algorithm has several advantages with relation to traditional MCMC
sampling methods (Foreman-Mackey et al., 2013), as well as the Metropolis-Hastings (Sect.
2.3.1), being more efficient even in parameter spaces with many dimensions. Another advantage
of the algorithm is that it requires hand-tuning of only 1 or 2 parameters compared to ~ N2 for
a traditional algorithm in an N-dimensional parameter space. What is used as input to the code
are 1) a function to generate a new random model; such function can be based on a previously
computed model grid; ii) the observational values to be fitted; iii) whatever prior information
available.

The EmcEE code uses the following definition for the posterior probability

1
P®. D) = = p(0,a)p(D|6, a) (2.5)

where p(0, @) is the a priori distribution, p(0®, a|D) is the likelihood, and Z = p(D) is a normal-
ization factor.

Therefore, having defined the likelihood and prior functions, together with the models and
the observations, the MCMC generates a random walk in the parameter space and uses these chains

to draw samples { ©; } to estimate the posterior probability density.

6 It is available online: http://dan.iel.fm/emcee under the MIT License.
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Estimator of performance and reliability

Usually, many (Ncnains) chains are independently computed. The end result is the combination
of all chains, unless there is a reason to discard some chains. In summary, a MCMC simulation is
composed of a total of Nyp * Nenains Samples of (O, a|D).

The quality of each simulation done with the EMCEE code is accessed by an important mea-
surement: the acceptance fraction, a;. It corresponds to the number of accepted steps over the
total number of steps of each walker. Hence, each walker, after finishing the chain, will carry its
own acceptance fraction. As a rule of thumb, the mean acceptance fraction, a;, must be between
0.2-0.5 (Foreman-Mackey et al., 2013). If a; ~ 0, then nearly all proposed steps are rejected, so
the chain will have few independent samples and the sampling will not represent the target PDF.
Typically, a low mean acceptance fraction means that the posterior probability is multi-modal,
with the modes separated by wide, low probability “valleys”. Conversely, if a; ~ 1 then nearly
all steps are accepted and the chain will not produce representative samples. One possible case
with a; ~ 1 is when all the parameter space is narrowly confined within a minimum in the PDF

for all parameters.

2.4 Visualization Tools

In this section we show some useful visualization tools used to display the results of MCMC

simulations.

2.4.1 Box Plots

A box plot is a graphical representation involving quantiles. It allows the visualization of
position, variability, asymmetry and the occurrence of atypical values of distributions.

To build a box plot, we define a rectangle (“box’) in which the lower edge coincides with the
first quartile (Q;)” and the superior edge coincides with the third quartile (Q3)®. The interquartile
range is defined as IQR = Q3 — Q; and comprises 50% of the data. The median is represented
by a horizontal trace positioned between Q; and Q5. Outside the box we include the “whiskers”
that indicates the data between [Q; — 1.5IQR; Q3 + 1.5IQR]. Values outside this range are called

“outliers”. The above definitions are graphically represented in Fig. 2.1.

7 25% of the numbers in the dataset lie below Q;
8 75% of the numbers in the dataset lie below Q3;
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Figure 2.1: Box plot example. Source: ArcGIS - Box Plot’.

Interquartile Range

2.4.2  Corner Plots, Chord Plots, and Convergence Diagrams

A corner plot is an illustrative representation to visualize the probability density of the sam-
ples in the multidimensional parameter space. The projected probability of the samples is for
each pair of parameters plotted to reveal their covariances. In Figure 2.2, we show an example
of a corner plot where the distributions of three parameters: x, y and log « is shown. The dashed
lines in the diagonal subplots correspond to the 16th, 50th, and 84th percentiles of the distri-
butions. The subplots under the diagonal panels show the probability density cross-correlations
between the pairs of parameters. The path traveled by the walkers in the parameter space is also
shown by smoothed black points in the 2D corner plots.

A chord diagram is a graphical method used to display the inter-relationships between data
in a matrix. The data are arranged along the circumference with the relationships between the
data drawn as arcs connecting the data (Fig. 2.3). The wider the arc, the stronger the correlation
between a pair of parameters.

Figure 2.4 shows the convergence of a MCMC simulation for one fitted parameter. This rep-
resentation constitutes a simple way to verify if the walkers converged to a value. In the same
Figure is the “burn-in” phase containing the initial irrelevant steps also shown. In general, the
data obtained during the “burn-in” phase over-sample regions with very low probabilities. Due to
this, the data obtained during this phase is removed. The remaining region, called the “posterior

chain”, is used during the statistical analysis to obtain the PDFs of the parameters of interest.

? https://pro.arcgis.com/en/pro-app/help/analysis/geoprocessing/charts/
10 https://corner.readthedocs.io/en/latest/;
11https://datavizcatalogue.com/methods/chord_diagram.html;
12https://events.mpifr—bonn.mpg.de/indico/event/3®/materia1/slides/12.pdf
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https://corner.readthedocs.io/en/latest/;
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Figure 2.2: Corner plot example. Source: Readthedocs: Corner!?,

2.5 Example of Application

2.5.1 Bayesian Approach

To illustrate the Bayesian inference using the EMcee code, we choose a set of models and
some observational data. For the models, we adopted the Kurucz (Castelli and Kurucz, 2003)
atlas of model atmospheres '°. This atlas contains about 7 600 models of stellar spectra for a
large range of metallicities, effective temperatures (3 500 K < T < 50000 K), surface gravities
(0.0 < log g < 5.0) and stellar radius (1 Ry < R, <2500Ry).

The observational data were gathered from the INES Archive Data Center!* for the star
Vega (HD172167), which is a star that has been studied in an other project (see Appendix L). The
data is from the IUE satellite (see Section 5.2), covering the wavelength range 1 000 to 3 000 A.
Few details are given here about the data and model for simplicity, but the reader is referred to

Chapters 5, 6 and 7 for more detailed examples of the usage of the UV data.

13 Available at http: //kurucz.harvard.edu/grids.html;
14 http://sdc.cab.inta-csic.es/cgi-ines/IUEdbsMY.
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Figure 2.3: Chord plot example. Source: Datavizcatalogue'!.

2.5.2 Likelihood

Given a pair of stellar parameter 7. and log g, the observed flux at Earth is

R,\?
Fs = F(Tar.1og 9) X () % fua, (2.6)

where F(T.q, log g) is the interpolated model flux for the free parameters (T and log g), (R, /d)?
is the flux normalization factor', which takes into account the stellar radius, R,, and the distance
to the star, d, and f,q 1s the reddening correction law used.

The reddening correction is fundamental since it affects significantly the determination of the
stellar parameters. We adopted the correction suggested by Fitzpatrick (1999). This correction
is valid for a large wavelength range, going from the far-UV (0.1 ym) up to the IR (3.5 um). See
Sect. 4.2 for more details about interstellar extinction.

The term fi.q has, as free parameters, the object’s color excess E(B — V) and the optical

total-to-selective extinction ratio Ry, given by

'3 The term (R/D)* comes from the ratio F/F. It is usually called angular radius.
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Figure 2.4: Convergence plot example. Source: IMPRS-2017'2.

E(B - V) = (B - V)observed - (B - V)intrinsic; (27)
AW
RV = m (28)

Eq. 2.6 reflects a choice made in the modeling procedure: the model is reddened to match

the data, not the contrary. In summary,

Fg = F5(, Tep,log g, E(B—V),Ry, 7, R). (2.9)

In the last equation, the distance to the star, d is replaced by the astrometric parallax, m (see
below). Therefore, the interstellar extinction is evaluated inside each step of each chain.

From the above assumptions, we define the log of our likelihood functions as,

2

log(Fa/Fmod)

1 D|®,a) = -0.5
og p(D|O, a) o, /s

(2.10)

In short, we have a 6-dimensional parameter space: Teg, log g, Ry, 1, E(B—V) and Ry. In terms

of code, the likelihood was written as,

def Inlike(params, lbd, flux, dflux):
# Model Parameters
Teff, logg, Rstar, dist, ebmv, rv = params[®], params[1l], params[2],\

params[3], params[4], params[5]
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# Corresponding model

wave_mod, flux_mod = kurucz_models_interp(10**Teff, logg, 10**Rstar,
10**dist, np.min(lbd),
np.max(1lbd))

# Reading observational data

1bd1l, dlogF, logF, logF_mod = log_flux(lbd, dflux, flux,

wave_mod, flux_mod)

# Reddening the model

flux_mod = pyasl.unred(le4 * 1bdl, 10**logF_mod, ebv=-1 * ebmv, R_V=rv)

logF_mod = np.logl®(flux_mod)

chi2 = np.sum(((logF - logF_mod)**2 / (dlogF)**2.))

return -0.5 * chi2

2.5.3 Prior Assumption

For this example, we used as prior the Hipparcos parallax (van Leeuwen, 2007). A Gaussian

prior was assumed

2
d ”m‘)d) , @.11)

log p.(®,a) = -0.5 (
Or
where m,0q is the random parallax generated in each step of the inference; m and o, are the
observed parallax and its uncertainty, respectively.
In addition to the prior on the distance, all the parameters were fixed to lie within a given
range. This effectively is also a prior, whose functional form is a uniform probability distribution,

which is a constant function. The adopted ranges are:

e 3500 < T < 50000 K;

O<logg<s5;

0<EB-V)<?20;

0<R, <6;

1 <R, <2500R,.
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Table 2.1 - Best-fit parameters of Vega. Simulation parameters: 50 walkers, 300 steps and
ar = 22%. *: The polar temperature is around ~ 2 000 K higher than the equatorial temperature
(Kinman and Castelli, 2002). ®: IRSA-DUST Webpage '°.

Values
Parameter Inferred Literature Ref.
T [K] 3.99700%  3.982 +0.002 * | Kinman and Castelli (2002)
log g [cgs] 40+0.5 41+0.1 Aufdenberg et al. (2006)
log R, [Ro] 043704 0.41+0.01 | Yoon etal. (2010)
log d [pc] 0.89 0.885 +£0.001 | van Leeuwen (2007)
E(B-V)[mag] | 0.06*33 0.058 +0.001 | IRSAP
Ry 3.971089 : :

Once having defined the fluxes, the best-fitting model, in a first stage, is obtained by sampling
equation 2.5 with the Emcee MCMC sampler, with the likelihood and the prior functions given
by Eq. 2.10 and Eq. 2.11, respectively, for all set of parameters simultaneously. The MCMC
simulation produces samples of the posterior probability density for each free parameter.

In PyTHON the prior can be written as

def lnprior(params, dist_pc, sig_dist_pc):
# Read distance free parameter
dist = params[3]
# Determine prior from the observed distance
chi2_prior = ((dist_pc - dist) / sig_dist_pc)**2

return -0.5 * chi2_prior

The following is an example function for the posterior in PyTHON:

def lnprob(params, 1lbd, flux_obs, dflux_obs, dist_pc, sig_dist_pc, ranges):
lp = Inprior(params, dist_pc, sig_dist_pc) # Prior
lk = Inlike(params, lbd, flux_obs, dflux_obs) # Likelihood
lpost = 1p + 1k # Posterior

return lpost

16 https://irsa.ipac.caltech.edu/applications/DUST/.
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2.5.4 Results

We tested the method described in the previous sections in a well-known star, Vega. The
inferred results are shown in Table 2.1. In the same table, for comparison purposes, we list
literature values. These results are only illustrative of the Bayesian inference process, and an
analysis of the results for this particular star is not presented in this thesis. Nevertheless, it is
striking the inference accuracy when we compare our results with the literature. Noteworthy is
the fact that only the UV spectrum was used in the inference, nothing else.

Figure 2.5 shows the corner plot, where we can see the resulting PDFs, their correlation, and
the best fit in the inset. Figure 2.6 shows the corresponding chord diagram. The chord diagram,
for instance, that the extinction parameter Ry is strongly linked with the E(B — V) parameter,
as expected. There is also a strong correlation between the stellar radius, R,, and the parallax,
p, which simply reflects the fact that a larger (brighter) and more distant star is (somewhat)
equivalent to a smaller (dimmer) and closer star. In Fig. 2.7 the convergence diagram is shown.
Note a clear convergence for some of the free parameters (log g, R, Eg_v, Ry). For d, however,
the convergence diagram reflects the prior. It is seen that its PDF distribution obeys the range of

values (observational parallax and its statistical error) given as prior.
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Figure 2.5: Corner plot for the Vega modeling using Kurucz spectra (see text). An explanation
of a corner plot can be found in Fig. 2.2. Top right, upper plot: Observed data (blue points) and a

random set of sampled models (red curves). Top right, lower plot: residuals of the fit.
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E(B-v

Figure 2.6: Chord diagram for the Vega modeling using Kurucz spectra (see text).
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Chapter 3

Model Description: The BEATLAS Grid

3.1 Chapter Summary

This Chapter presents the BEATLAs grid of models (Section 3.2). The radiative transfer code
used to compute the models is briefly described in Sect. 3.2.1. The central star is described in
detail in Sect. 3.3). The purely photospheric grid is described in Sect. 3.3.1. The disk models
and the adopted range in the model parameters are discussed in Sect. 3.4. We discuss the selected

observables in Sect. 3.5.

3.2 The BeATtLAs Grid of Models

The BEATLAS project arises in the context of grid-based modelling, routinely applied to the
determination of physical model parameters (e.g. Hekker et al., 2013; Serenelli et al., 2017).
The BEATLAS comprises two systematic grids of models: a photospheric-only (i.e., diskless) grid,
and a star plus disk grid (hereafter referred to as “disk grid”), computed according to the VDD
formulation (Sect. 1.5.1) and covering the typical range of stellar and disk parameters associated
with the Be phenomenon.

Some aims of the BEATLAS project are: (i) interpreting the observations of large samples of B
and Be stars; (i1) detailed modelling of individual objects; (iii) theoretical studies on the physical
properties of disks (e.g., disk thermal structure, effects of the parameters on the observables,
etc.); and (iv) planning of new observations. We naturally expect that many other applications

will arise from such a comprehensive project.
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In the next section we detail the radiative transfer calculations (Sect. 3.2.1). Next, we give
an introduction to the Geneva stellar evolution models (Sect. 3.2.2), from which we derived the

range of stellar parameters adopted in the BEATLAS grid.

3.2.1 Radiative Transfer Calculations

The models were calculated with the Monte Carlo radiative transfer code Hpust (Carciofi and
Bjorkman, 2006, 2008). This code has been successfully applied in several previous studies to
interpret multi-technique observations. Some recent examples are: the interferometric study of
Achernar (Dalla Vedova et al., 2017), the computation of line profiles of binary CBes, for which
the tidal interaction with the secondary excites m = 2 spiral density waves in the disk (Panoglou
et al., 2018), and the interpretation of optical light curves of CBes using the VDD model (Rimulo
et al., 2018; Ghoreyshi et al., 2018).

Hpusrt uses the Monte Carlo method to solve the radiative transfer of polarized radiation in
moving media. As such, it can be applied to gaseous disks, winds, etc. Furthermore, it simulta-
neously solves the radiative and statistical equilibrium problems, thus providing NLTE (non-local
thermodynamic equilibrium, see Carciofi and Bjorkman 2006) atomic level populations and ion-
ization fractions, as well as the gas kinetic temperature.

The code accepts arbitrary 3D geometry and kinematics. The circumstellar chemistry com-
prises atomic hydrogen and/or dust grains, and the inclusion of other atomic species is currently
under development (Carciofi et al., 2017). The implemented gas opacity sources are: Thom-
son scattering, bound-bound, bound-free and free-free absorptions, while the dust grains opacity
is computed using Mie theory (e.g. Carciofi et al., 2004). The code also offers a realistic de-
scription of the star, which includes limb darkening, gravity darkening, and rotational flattening
according to the Roche model (see details in Sect. 3.3). Hpust computes the emergent spectrum

(both continuum and emission lines), the polarized spectrum, and synthetic images (Fig. 3.1).

3.2.2 Geneva Grids of Stellar Evolution Models

One very important tool for this work is the Geneva code for stellar evolution of fast-rotating
stars (Ekstrom et al., 2008 and references therein). The code computes the stellar structure and
evolution from the MS up to the end of carbon burning for massive stars, the early asymptotic giant
branch phase for intermediate-mass stars, or core helium flash for low-mass stars. Predictions

regarding the spectral evolution of massive stars can also be obtained.
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Figure 3.1: Hbpust simulation of the Be star Achernar for different inclination angles. The

colors are associated with the emitted flux in logarithm scale (brighter regions in light yellow
and coldest in dark red). The effects of the stellar rotation can be clearly seen in the central star.

(Image courtesy of D. M. Faes).

B-type stars are known to rotate at various velocities, including very fast rotators near the
critical velocity such as CBes (Sect. 1.2). Hence, any analysis should take into account these
rotational effects. To satisfy this condition, we have chosen the rotating models described by
Georgy et al. (2013) and Granada et al. (2013). We selected their models with solar metallicity
(i.e., Z = 0.014), according to Grevesse and Sauval (1998). The models cover the mass range
from 1.7 to 15 Mg and Q/Q.; encompassing from O to 1. Specifically for this project, our
collaborator Cyril Georgy (Observatoire de Geneve) computed evolutionary models for 20 Mg,
This was very important because the old model grid of Georgy et al. (2013) missed the high-mass
end of the Be phenomenon. The new mass range now includes typical masses of known Be stars
as well as the transition from massive and energetic late-O stars, with strong stellar winds, to the
less massive early-A stars in the regime of negligible winds (Georgy et al., 2013).

To illustrate the importance of the rotation for the models, Figure 3.2a shows the evolution
of the angular rotation rate (w = Q/€,;,) for a MS star with 9 Mg, starting on the Zero Age Main
Sequence (ZAMS) with different rotation rates. This figure exemplifies the so-called evolutionary
spin-up, where angular momentum from the core of the star is transported outwards, causing the
outer layers to spin up in evolutionary timescales (see Sect. 1.3.1). The figure also illustrates
one of the main shortcomings of the models of Georgy et al. (2013): in their calculations, the
star enters the ZAMS as a solid-body rotator, and only after MS starts does the star relaxes to its
differently rotating structure. This is the cause of the fast initial drop of w for all models. This
issue was partially addressed by another publication of the group (Granada and Haemmerlé,
2014), but unfortunately a grid of such models is not available yet.

In Figure 3.2b, the HR Diagram is shown for stars with 5, 7 and 9 Mg, for different values of

w. These figures show basically two aspects of these models: (i) the high influence of rotation
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Figure 3.2: (a) Evolution of rotation rate for a 9 Mg, stars with Z = 0.002, during the MS phase.
The solid lines show the Georgy et al. (2013) models, the dotted lines the models by Ekstrom
et al. (2008). (b) HR diagram for 5, 7, 9 My models at solar metallicity (blue: w = 0.99, green:
w = 0.95, and red: w = 0.90).

for the stellar evolution, and (ii) the effects of the rotation on the stellar parameters throughout
their evolution. These characteristics motivated us to adopt the grid of Geneva in our study to

assess the multiple stellar parameters in a consistent way.

3.3 The Central Star

As discussed in the previous section and in the Chapter 1, CBes rotates much faster than
typical B stars, which causes important effects on these stars (Sect. 1.3.1).

Two possibilities were considered to define the parameters of the stellar grids employed by
BEeATLAS: an empirical grid or a theoretically-oriented grid. An empirical grid may be specified
by the following four parameters, all of which are necessary to define a stellar model in Hpusr:
stellar mass (M), polar radius (Rp1), stellar luminosity (L) and the rotation rate (W, Eq. 1.3).
The choice of these parameters rely in principle on the ranges typically found in the literature
for B stars on the MS or close to it (e.g. Schmidt-Kaler, 1982; Harmanec, 1988). Consequently,
the correlation between M, Ry and L are taken into account implicitly. On the other hand,
the theoretically-oriented grid is defined to be constrained by stellar evolution models. The
advantages of such an approach are both reducing the number of parameters necessary to specify
a given model, and associating a specific evolutionary stage to it.

For this work, we adopted the theoretically-oriented option. In particular, we chose the pa-

rameters M,, W, and t/tys to completely describe each model, where ¢/tys represents the time
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fraction spent in the MS. The remaining parameters necessary for the radiative transfer calcula-
tions, Ry, and L, can be subsequently determined from Geneva evolutionary models.

The Roche equipotential formalism (e.g. Cranmer, 1996 and references therein) is frequently
used to describe the rotating stellar geometry. In Hpust this is approximated by an ellipsoid
shape, for which the ratio between the large and small axis are given by the Roche theory (Eq.
1.3), see Carciofi and Bjorkman (2008) for more details. The effects of this approximation on
the emergent spectrum are very small (Faes, 2015). The limb darkening follows the prescription
given by Claret (2000), and the gravity darkening effect is described by the modified von Zeipel

law (see Cranmer, 1996):

L/O'B
9§g4bdA

where 6 is the polar angle (spherical coordinates), og is the Stefan-Boltzmann constant, and Sgp

1/4
Te(0) = ( ] g (0), (3.1

is the gravity darkening exponent.

To constrain the gravity darkening exponent, we adopted the model presented by Espinosa
Lara and Rieutord (2011), where Bgp is function of the rotation rate. This model has provided a
successful description for many cases in the literature (e.g., Domiciano de Souza et al., 2014).

For BEATLAS, we devised two grids of stellar parameters to serve different purposes. The first
grid aims at calculating the detailed emergent spectrum of purely-photospheric (i.e., diskless)
models. This grid can be used to model observations of, e.g., normal B stars, Bn stars, or CBes
observed in diskless phases. The second grid will serve as the set of stellar parameters for models
with a disk (Sect. 3.3.1). The reason two grids were necessary is that the purely photospheric

models are much simpler and faster to run and, for this reason, a much finer grid could be made.

3.3.1 Grid of Stellar Parameters for Purely Photospheric Models

The range of model parameters, as well as their individual values, used in the purely photo-
spheric grid is shown in Table 3.1. This grid is comprised of 7 700 models photospheric models
(11 M x 10 W x 7 t/tys X 10 i). Each model belonging to this grid is determined by four pa-
rameters (M, W, t/tys and i). The range of masses covers the spectral types of interest (see Sect.

1.4). Additionally, the grid encompasses the full range of rotation rates in the MS.
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Table 3.1 - BEATLAS stellar parameters of the purely-photospheric model grid. The steps follows

W; = 0.99,/0, 4,3 M-l 1 The spectral types are based on Martins et al. (2005), Townsend

et al. (2004), and Adelman (2004), for O, B and A spectral types, respectively.

Parameters Ranges Values
ST  Spec. Type 08 - A7 A7, A2, A2, B9.5, B7, B6, B3, B2.5, B1, B0, O8
M,  Mass (Mg) 1.7-20 1.7,2,25,3,4,5,7,9,12, 15, 20
%4 Rotation Rate 0.00-0.99 0.00,0.33, 0.47, 0.57, 0.66, 0.74, 0.81, 0.87, 0.93, 0.99
t/tms Stellar Age 0-1.02 0,0.25,0.5,0.75, 1, 1.01, 1.02

cosi Inclination angle (°) 0.0-90.0 0,0.11, 0.22, 0.33, 0.44, 0.55, 0.67, 0.78, 0.89, 1

Table 3.2 - BeArtLAas stellar parameters for disk models.

Parameters Ranges Values/Step
ST  Spec. Type 08-B9 B9, B7, B6, B4, B2.5,B1, B0.5, O8
M,  Mass (Mg) 3-20 3,4,5,7,9, 12, 15, 20
w Rotation Rate 0.5-0.99 0.5, 0.75, 0.85, 0.92, 0.99
t/tms Stellar Age 0-1 0,0.5,1,1.02

3.3.2 @Grid of Stellar Parameters for Disk Models

Because the disk grid of BEATLAs takes a very large amount of computing time to be com-
pleted (see below), we had to reduce the number of grid points to an acceptable minimum. One
of the ways of doing that was by reducing the range and number of values of the stellar grid.

The adopted stellar grid for the disk models is shown in Table 3.2. With the exception of the
stellar mass and the rotation rate, the adopted ranges for the stellar parameters are the same as
the photospheric models; however, the number of values explored in the grid was reduced. This
reduction was necessary to keep the number of models realistic, in view of the large computer
requirements of the disk grid.

We set the mass range lower limit at 3 M, due to convergence difficulties of Hpust for lower
masses. Also, we decided to restrict the disk models to W > 0.5, since no Be star disk has ever
been detected around slow rotators (see the compilation presented in Rivinius et al., 2013).

In the next section, we describe our assumptions for the VDD model and the ensuing choice

for the disk parameters.
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Table 3.3 - BEATLAS disk model parameters.

Parameters Ranges  Values/Step
Yo Surface density at the base of the disk (cm™) 15-45 0.5
Rp Disk radius (Req) 10-100 30
n  Mass density radial exponent 1.5-45 05

3.4 Disk Models

The parameter set of the grid of disk models has two components: the central star (Sect.

3.3.2) and the circumstellar disk.

3.4.1 Disk Density Profile

Several papers and recent PhD thesis and dissertations of the BEacon group (Mota 2013;
Faes 2015; Rimulo 2017; Ghoreyshi 2018; Figueiredo 2018) have used some variant of the VDD
model. In order to avoid unnecessary repetition of definitions, derivations, etc., we just mention
here four important aspects of the VDD theory, relevant for our work. A good reference for the

discussion below is Vieira et al. (2017).

1. A star that loses mass at a constant rate for a long time forms a disk that initially grows
in density such that initially the density profile is very steep and with time the profile
approaches an inverse power-law with index 3.5. This steady-state configuration is only

valid if the disk material is assumed to be isothermal (Bjorkman and Carciofi, 2005a);

2. Young, forming disks that have not yet reached steady-state have density profiles that can

be approximated to a power-law of index n < 3.5 (Haubois et al., 2012);

3. Disks that are in a dissipative state, where the star has ceased mass loss, have a density

profile associated with n > 3.5 (Haubois et al., 2012);

4. Both binary effects (Panoglou et al., 2016) and radiative transfer effects (Carciofi and

Bjorkman, 2008) may act together to change the density profile in CBes.

Therefore, despite being a simple approximation to the VDD model, a power law parametriza-
tion of the disk radial density profile represents a useful description, which is easily compared

to several results in the literature. Besides, part of the dynamical information contained in the
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time dependent solutions of the VDD model can be extracted from this particular formulation, as

explained in items 2 and 3 above. The adopted parametric expression for the mass density is:

_ 20 r - Z2
pln2) = H@T(R—eq) %P [‘m]’ G2

where X is the disk base surface density, R.q is the equatorial stellar radius, r and z are respec-
tively the radial and vertical cylindrical coordinates in the stellar frame of reference, and H is the
disk scaleheight. In particular, H is a function of the radius given by:
r B
H(r) = Hy (—) , (3.3)
Req

where Hy = (s/Verit) Regs ¢s = (k Ta/pmy)'/? is the isothermal sound speed, Ve = (G My /Req)'*
is the critical velocity, k is the Boltzmann constant, u is the molecular weight of the gas, my is
the hydrogen atom mass, 7 is the disk temperature (assumed constant throughout the disk), and
B is the disk flaring exponent. We adopt T4 = 0.72 T, as an estimate of the average value of T4
to compute H, (Carciofi and Bjorkman, 2006). Additionally, 8 is fixed at 1.5, which corresponds
to the VDD model isothermal solution (e.g., Bjorkman and Carciofi, 2005a). Future grid versions
are planned to have self-consistent scaleheights (Carciofi and Bjorkman, 2008). Note that the
current version of the grip employs what Carciofi and Bjorkman (2008) called mixed models, in
which, albeit the density is fixed, the gas state variables (temperature and level populations) are

calculated by Hpusr.

3.4.2 Disk Density Scale

The adopted upper and lower limits of the disk surface base density were defined as functions

of the stellar mass, written as,

exp(—aM? + bM +¢), M < 8.6M,,
ngper(M) — p( ) © (34)
exp(dM + e), M > 8.6 M,

and

SVN(M) = exp(—fM* + gM + h). (3.5)

The upper limits correspond to the Hpust convergence limits!, and were estimated from

previous experiences with the code (see Fig. 3.3), while the lower limits roughly correspond

! Because HpusT is based on the MC method, it requires that, everywhere in the disk, a sufficiently large number
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Figure 3.3: Convergence in BEATLAs. Blue symbols represent the converged Hpust models,

while red symbols the non-converged models.

to the detection limit of an emission feature (however weak) in the Ha line. Notice that the
convergence limitation does not impose a severe restriction to the grid, since a similar trend of

increasing X, upper limit with stellar mass is also observed in nature (Vieira et al., 2017).

3.4.3 Disk Radius

The disk radius range was set from 10 to 100 R.y. The lower value corresponds to an estimate
for the disk radius of the Be star o Pup, which has the shortest period (hence smallest orbital
separation) among all known binary CBes. This value was calculated through its orbital period
(~ 30 days) and semi-major axis (~ 11.5 R.q); (see Tab. A.1). We can use these values to estimate
the disk radius as Rp ~ 0.8 X 11.5 R (the 0.8 factor comes from Panoglou et al. 2016). On the
other hand, the upper limit, 100 R.q, corresponds to a disk size for which the disk emission starts
to be negligible at all wavelengths considered in the simulation (see Section 3.5); (Vieira et al.,

2015). The grid values are, therefore, Rp = 10,40, 70, 100 R.,.

of photons crosses a given grid cell, in order to sample quantities such as photoionization rates, etc. (see Carciofi
and Bjorkman, 2006 for details of the model). This is particularly important for UV photons. The convergence limits
of Hpusrt are reached when the density becomes so large, and the inner disk so optically thick, that not enough UV

photons are available to properly sample the necessary rates.
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3.4.4 Mass Density Radial Exponent

The n exponent range (Eq. 3.2) was defined according to Vieira and Carciofi (2017), ranging
from 1.5 to 4.5. This range is in broad agreement with other studies from the literature about
this parameter (e.g. Waters et al., 1989, Silaj et al., 2014, Touhami et al., 2014). As discussed in

Section 1.5, this range could represent different evolutionary disk phases.

3.4.5 Summary of the Disk Model Grid

The parameters described above are all listed in Table 3.3. The atlas of disk models comprises
a total of 358 400 models (8 masses X 5 rotation rates X 4 ages X 7 slope densities X 4 disk sizes
% 10 inclination angles).

It must be emphasized that the final grid could not be completed for this thesis, unfortunately.
The purely-photospheric grid was computed in full, but only parts of the disk grid were com-
puted, aiming at bracketing the parameter space needed to study  CMi and a Arae (Chap. 6 and
7, respectively).

The full grid needs about 6 months of computation time using the full resources of LAi%. As

such, BEATLAS is an ongoing computational effort, that is still being carried on.

3.5 Observables

To finish the specification of BEATLAS, we must provide a list of “observables” (e.g., contin-
uum bands, spectral lines, images, etc.) and “observers”, which basically is the specification of
the viewing angles for which the models are computed. The latter follow the same specifications
of i as in Tables 3.4, adopted a continuum ranging from 1000 A (UV domain) up to 75 cm (radio
wavelength) for both photospheric-only and disk models (Fig. 3.4). The most efficient way to
run Hpusrt is to compute individual runs for each spectral range of interest. To make optimal
usage of this feature, we specified 22 spectral bands (first part of Table 3.4) covering all the way
from the UV up to the radio. Each band is defined by a minimum and maximum wavelength, the
number of spectral bins (i.e., its spectral resolution), their spacing (linear or logarithm), and the
number of photons. This latter quantity is very important: if too low, the model will carry too
much Monte Carlo noise; if too large, the simulation will take more time to run than necessary.

Much effort was dedicated to find the optimum value of Ny, Other quantities affected by Npnot

Zhttps://lai.iag.usp.br/projects/lai;


https://lai.iag.usp.br/projects/lai
https://lai.iag.usp.br/projects/lai
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is the accuracy of the polarization calculation (important for the UV and visible, and that is the
reason why these bands have 10 times more photons than most of the other ones), and the need

or not to calculate model images, in which case more photons are also necessary to properly

sample the spatial surface brightness of the disk.

We are also interested in spectral lines (both in emission and in absorption) in the optical in
IR domains. These lines were selected among the most commonly used in the literature (second
part of Table 3.4). Although inteferometric observables were not yet computed, special empha-
sis was given to the inclusion of interferometric observables in our selection. These observables
are based on future decommissioned interferometers (e.g. AMBER® and MIDI*) and now interfer-

ometers already in operation at ESO (e.g. GRAVITY> and MATISSE®). Figure 3.5 summarizes the

coverage of each interferometer used to define the interferometric observables.

3https://www.
4https://www.
Shttps://www.
Shttps://www.

eso
eso
eso
eso

.org/sci/facilities/paranal/instruments/amber/overview.html;
.org/sci/facilities/paranal/decommissioned/midi.html;
.org/sci/facilities/paranal/instruments/gravity.html;
.org/sci/facilities/develop/instruments/matisse.html.


https://www.eso.org/sci/facilities/paranal/instruments/amber/overview.html
https://www.eso.org/sci/facilities/paranal/decommissioned/midi.html
https://www.eso.org/sci/facilities/paranal/instruments/gravity.html
https://www.eso.org/sci/facilities/develop/instruments/matisse.html
https://www.eso.org/sci/facilities/paranal/instruments/amber/overview.html
https://www.eso.org/sci/facilities/paranal/decommissioned/midi.html
https://www.eso.org/sci/facilities/paranal/instruments/gravity.html
https://www.eso.org/sci/facilities/develop/instruments/matisse.html
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Figure 3.4: Broad bandpasses collected in the literature for the most common sources of data
available for stars. This figure was used as a guide for making Table 3.4.
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Figure 3.5: Wavelength coverage of interferometers. This figure was used as a guide for making
Table 3.4.
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Table 3.4 - Definition of observables.

Observable  Apin [um]  Amax [um]  Npins  Spacing  Nphoe Image Comments

uv 0.1 0.35 225 linear  2e8 No  Kurucz resolution
SED 0.35 1 50 log 2e8 No -
J 1 1.4 30 linear  2e7 No -
H 1.4 1.85 80 linear  1e8 Yes PIONIER, MIRC, R~300
K 1.85 2.45 1000 linear 1e8 Yes GRAVITY, R~4,000
L 2.45 3.9 450 linear  1e8 Yes MATISSE, R~1,000
M 3.9 8 380 linear 1e8 Yes MATISSE, R~550
N 8 13 120 linear 1e8 Yes MATISSE, R~250
Q1 13 18 30 linear  2e7 No -
Q2 18 25 30 linear  2e7 No -
IR35 25 45 30 log 2e7 No -
IR65 45 85 30 log 2e7 No -
1IR100 85 120 30 log 2e7 No -
1IR160 120 200 30 log 2e7 No -
1R300 200 400 30 log 2e7 No -
IR600 400 800 30 log 2e7 No -
MM 800 1200 30 log 2e7 No LABOCA, JCMT1/2, IRAM
CMO7 6000 7500 10 log 2e7 No VLA/Q
CM13 11300 16700 10 log 2e7 No VLA/K
CM20 16700 25000 10 log 2e7 No VLA/Ku
CM30 25000 37500 10 log 2e7 No VLA/X
CM60 37500 75000 10 log 2e7 No VLA/C
Observable Ae [A] R Spacing Nphot Image Comments
Halpha 6564.61 20,000 linear  2e8 Yes CHARA/VEGA
100 bins image/R~10,000
Hbeta 4862.71 10,000 linear le8 No -
Hdelta 4102.89 10,000 linear 1e8 No -
Hgamma 4341.69 10,000 linear  1e8 No -
Brgamma 21661.2 10,000 linear  2e8 Yes AMBER
Brll 16811.1 27,000 linear  1e8 No APOGEE
Bri13 16113.7 27,000 linear  1e8 No APOGEE
Pfgamma 37405.6 10,000 linear 1e8 No  Sabogal et al. (2017)
Hul4 40208.7 10,000 linear  1e8 No  Sabogal et al. (2017)

Bralpha 40522.6 10,000 linear 1e8 No  Sabogal et al. (2017)
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Chapter 4

Methodology

4.1 Chapter Summary

Recent efforts by our group (e.g. Vieira and Carciofi, 2017; Rimulo et al., 2018) showed that
a grid, no matter how much science has been put to it, is useless without a statistical engine that
allows exploring all the likely solutions.

In Sections 4.2 and 4.3 we define the essential functions (likelihood and priors) adopted in
our Bayesian approach, according to the statistical tools and theoretical background given in
Chapter 2. We summarize the BEATLAs pipeline in Sect. 4.4 together with other developed tools.

Finally, we show an alternative method to infer stellar parameters in Section 4.5.

4.2 Detfinition of the Likelihood Function

The likelihood is an essential factor in the convergence of any MCMC method (see Sect. 2.3).
Although the Metropolis-Hastings algorithm will converge for different likelihood functions, the
most commonly used one is the x? distribution. After some convergence tests with different

variations of this function, we decided to adopt as the likelihood the following function,

2
g P @

O Fops / F obs

where Fops and Fy,,q(®) are the observed and model fluxes. In our case, the latter represents the

log p(D|®, a) = -0.5 [

grid of models described in Chap. 3. The usage of logarithm versions of the y? function can be
found in the literature (e.g. Bouffanais and Porter, 2018). It offers better performance when the
data being modelled has a large dynamic range (e.g., the SED of a CBe from the UV to the radio

can vary 6 orders of magnitude in wavelength and 17 orders of magnitude in flux; e.g. Fig. 6.8).
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Figure 4.1: Effects of the interstellar reddening on the spectrum of a T = 20000K, log g = 4
star. The Ry is fixed at 3.1.

The fitting procedure is performed with the grid of models and the observed fluxes (F ) in

Eq. 4.1. The synthetic fluxes can be converted to the fluxes received on Earth by

d

where F(®), (1) is the emergent stellar flux, d is the distance to the star (in parsecs), and feq 1S

10\’
Froa = F0(®) (/l) X (_) X freda (42)

the correction of the total extinction along the line of sight.

The reddening correction, represented by the function fi.4, is fundamental since it affects
significantly the determination of the stellar parameters. Recent articles attest the complexity
of the extinction determination of CBes using spectral lines (McEvoy et al., 2015). To date,
arguably the most precise method for determining the interstellar extinction (hereafter E(B — V),
see Sect. 2.5) is via the absorption feature centered at 2 175A the so-called “UV bump”. This
feature has been long used as an E(B — V) proxy (e.g. Dougherty et al., 1994). Even the UV
bump, however, has its issues. For instance, Zagury (2013) showed that there are E(B — V)
extinction curves without the UV bump, i.e., linear (see his Fig. 1). In this work, we adopted
the most widely used prescription for the interstellar extinction, which is the one of Fitzpatrick
(1999). As an example, Figure 4.1 shows the effects of interstellar extinction upon the spectrum
of a Kurucz photosphere model with T.g = 20000K and log g = 4.0. This result illustrates
that as the extinction increases, the original spectrum becomes fainter in the UV domain. The
extinction can be a large source of uncertainties in the determination of fundamental parameters

of stars (see next chapters).
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Figure 4.2: Left: Comparison of the Fitzpatrick (1999)’s (dashed lines) and Cardelli et al.
(1989)’s (solid lines). Right: Correction of the original UV spectrum (black line) of the star p
Ophiuchi by using the Fitzpatrick (1999)’s law.

In the left panel of the Figure 4.2, we show a comparison between Fitzpatrick (1999) and
Cardelli et al. (1989), showing that both laws roughly agree in their description of the UV bump.
In the right panel, we show the result of a manual search of the E(B — V) parameter for the star p
Ophiuchi. What was done was to choose different values of E(B—V) and select the one for which
the UV bump vanishes (green curve in the left panel of the Fig. 4.2). This procedure allowed us to
obtain a reasonable estimate for the E(B — V) which agrees with literature values (Wegner, 2003,
E(B —V) =0.47). What is done in the Emcee sampler is different: we used Fitzpatrick’s law to
redden the theoretical model (see Eq. 4.2), in order to best match the observations. Furthermore,

we fixed the parameter Ry (see Eq. 2.8) at a typical value, 3.1, for all studied objects (Schultz
and Wiemer, 1975).
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4.3  Prior Choice Description

One of the reasons for choosing the Bayesian approach is its capacity to combine the data
with prior knowledge (Sect. 2.3). In our study, we adopted two priors, a prior to the parallax

(Sect. 4.3.1) and the other to the vsini (Sect. 4.3.2).

4.3.1 Parallax Prior

The chosen prior for the parallax was,

Tlobs — ﬂmod)2 (4 3)

log p.(®,a) = -0.5 (

Tlobs

where 7,04 1s the random parallax generated in each step of the inference; 7o, and o, are the
observed parallax and its uncertainty, respectively.

In order to select the observed parallaxes, myps + 071,,., We compared the latest Hipparcos (van
Leeuwen, 2007) and Gaia pbr2 (Gaia Collaboration, 2018) data for all stars studied in this thesis.
The general agreement of both measurements is evident in Fig. 4.3; however, for a number of
individual cases Gaia prR2 and Hipparcos disagree well above the nominal uncertainties.

We realized that there is no global agreement among the parallaxes, which is indicated by the
high dispersion of the measurements around the dashed line in Fig. 4.3.

Gaia pr2 already indicates limitations in the published data (Gaia Collaboration et al., 2018).
This release is still intermediate, being based on: 1) a limited amount of input data (~ 22 months),
i1) simplifications in the data processing. This probably introduced shortcomings in the calibra-
tions that could have propagated systematic errors.

An additional parameter, the duplicated source quality field, present in Gaia DR2, indicates
that the source was identified as duplicated during data processing. It may indicate: observational
cross-matching, processing problems, stellar multiplicity (nearby companions), astrometric or
photometric problems. Hence, Gaia prR2 may have provided incorrect parallaxes for multiple
systems. This may explain the incompatibility among Gaia pbr2 and Hipparcos parallaxes for
many cases (e.g. a Arae, a Col).

Given the above, we decided to use the Hipparcos data for all objects studied in our work.
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Figure 4.3: Comparison of Hipparcos and Gaia pR2 parallaxes for our sample of stars. Circles:
Non-duplicated source according to Gaia. Squares: Duplicated source according to Gaia.

4.3.2 vsin i Prior

The prior function used for vsin i was

. . . . 2
10g Pysini(®, @) = —0.5 (“S‘“ fobs 7 UO Tmod ) (4.4)

O vsin igps

where v sin inoq 1 the random v sin i generated in each step of the inference; v Sin iops and oy in iy,
are the observed vsin i and its uncertainty, respectively. The measurements of v sini were taken
from several sources that are indicated below. A total of ~ 20% of our targets had measurements
with uncertainties. For the remaining stars, we assumed a 0 gip i,,, = 0.10 0 8In Zops.

By providing vsini values, we can constrain the values of the likely inclinations, masses
and oblateness, i.e. physical quantities directly related with this parameter. To implement such
a prior, it was calculated for each iteration a vsin i(®). For the stars with vsin i(®) without
uncertainty, we fixed the errors as 10 % of the measurement. Here, it is important to highlight
the fact pointed by Townsend et al. (2004), i.e. that the old v sini measurements, which did not
consider the gravity darkening effect, could be underestimated by 9 to 33% at W = 0.75 for BO
to BO9-type stars. In these cases, inaccurate values of v sin i could propagate systematic errors
in the inference of the studied parameters. In the next Chapter we present a study of how the

inclusion of the vsin i prior may change the inferred parameters.



78 Chapter 4. Methodology

4.3.3 Posterior Function

Given the expression for the the theoretical model as observed from Earth (Eq. 4.2), the best-
fitting model is obtained by using the Eq. 2.5 with the likelihood given by the Eq. 4.1 together
with the prior functions (Eq. 4.4 and 4.3) for all set of parameters simultaneously. This is done
with the EMceE sampler that returns samples from the posterior probability density for each free
parameter.

The posterior probability defines, for a set of parameters (®), their probability of being the
true parameters. Therefore, once the samples produced by EmMcEE are available, the marginalized
constraints on ® can be approximated by the histogram of the samples projected into the param-
eter subspace spanned by ®. The uncertainties on each parameter were defined as the ranges
containing the percentiles of 16 and 84 % on the marginalized PDFs, and the best-fit value as the

median of the distribution.

4.4 BEMCEE - The BEATLAS pipeline: a quick summary

The Bemcee open-source code comprises all modules developed during this PhD thesis. It
is a community effort, for which many members of the BEacon group contributed, to develop a
common core package for the inference of Be stars parameters in PytHon. It is available online
in the GritHus' repository at this address”. We wrote a comprehensive manual and tutorial on
how to use BEMCEE, which is provided as an appendix to this text (Appendix C). In Figure 4.4,

we show the workflow that comprises:
1. The preparation of the BEATLAS Grid (see Chap. 3):

e Based on modern stellar evolution models and a prescription for the VDD model, we
solve the radiative transport with the Hpust code (Chap. 3);

e The results are two grids of models: 1) purely photospheric models (Sect. 3.3.1), ii)
Disk models (Sect. 3.4);

2. The selection and pre-processing of the observations:

e Starting from catalogues and some conditions (e.g. spectral and luminosity classes),

the BEFAVOR WEB code (see details in Sect. 4.4.1) selects from the available facilities

It support collaborative development of software and the tracking of changes to software source code over time.
2 https://github.com/tangodaum/bemcee.


https://github.com/tangodaum/bemcee
https://github.com/tangodaum/bemcee
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BeAtlas Grid Selection and pre-processing observations

Catalogues
+*
Conditions

. GD + Oblat + MS +
AA +VDD
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Stellar
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Synthetic
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vsini +plx
IUE spectra

Photospheric
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Stellar Stellar + Disk
Parameters Parameters

Figure 4.4: Workflow of the developed routines. GD: gravity darkening. Oblat: oblateness. MS:

Stars + Priors +
Observational
Data

IUE
Variability

multiple scattering. AA: auto-absorption by the disk. Ines: http://sdc.cab.inta-csic.es/
cgi-ines/IUEdbsMY. IRSA Dust is a service that gives the galactic dust reddening for a line os
sight, it is available at https://irsa.ipac.caltech.edu/applications/DUST/. Simbad:
http://simbad.u-strasbhg.fr/simbad/sim-fbasic. The green rhombus represent decision
made by the user or by the pipeline.

(e.g. Ines, SiMBAD, IRSA-Dusrt, and VO tools) a list of stars together with their v sin i,

parallax and observational data (IUE and photometry data);

3. With the appropriate BEATLAS grid (photospheric vs. disk), priors, and observational data,

EMcEE returns the stellar and (if appropriate) the disk parameters.

4.4.1 BEFAVOR Tools

This tool started with a “Iniciacdo Cientifica” project with the student Artur Alegre (Ap-
pendix J). It uses “Web Service” PyTHON routines to get data and a list of stars given some
conditions. The routines are available at the GitHus link®. A detailed description is given in

Appendix K.

3 https://github.com/tangodaum/BeFaVOr-WEB.


http://sdc.cab.inta-csic.es/cgi-ines/IUEdbsMY
http://sdc.cab.inta-csic.es/cgi-ines/IUEdbsMY
https://irsa.ipac.caltech.edu/applications/DUST/
http://simbad.u-strasbg.fr/simbad/sim-fbasic
https://github.com/tangodaum/BeFaVOr-WEB
https://github.com/tangodaum/BeFaVOr-WEB
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4.5 BCD System

The BCD System is a consolidated method for obtaining the photospheric parameters of “nor-
mal” stars, i.e. objects whose atmospheres can be studied in the framework of hydrostatic and
radiative equilibrium approximations. However, since both circumstellar and photospheric com-
ponents of the Balmer Discontinuity are spectroscopically distinct, the BCD System is usually
applied to “peculiar” stars as the Be stars (e.g. Divan et al. 1982; Zorec and Briot 1991; Shokry
et al. 2018).

It is based on measurable quantities that are sensitive to the ionization balance and gas pres-
sure in stellar photospheres. This makes the method ideal as proxies for 7.4 and log g. In
summary, the method is based in four quantities taken from the spectrum around the Balmer

Discontinuity (see Fig. 4.5):

1. D: the Balmer jump at A3 700 A given in dex; this parameter is a strong function of Teg;

2. A;: the mean spectral position of the Balmer Discontinuity (BD), usually defined as 4, =

3700 A; this parameter is very sensitive to log g;

3. ®yy: the gradient of the Balmer energy distribution in the near-UV from A3 100 to A3 700 A

in um;
4. @y the gradient of the Paschen energy distribution in the range 114 000 — 6200 A in xm.

The BCD parameters (1;, D) can be measured even in spectra of low resolution and in cases
of high ISM extinction, which makes the method applicable also for distant objects.

During this PhD, we worked with this method, developing a PytHon Code (PHARAUS) to
apply the BCD method. The code is available at the GrrHus link®. This contribution helped in the
work published by Shokry et al. (2018). This article is in Appendix E.

4 https://github.com/tangodaum/pyxshooter.
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Chapter 5

A UV Study of O, B, and A Main-Sequence Stars

5.1 Chapter Summary

In this Chapter we present the first application of the current version of the BEATLAS, namely
the systematical study of a sample of O, B, and A stars.

Initially, we offer a general motivation for this work and outline the criteria used to form our
sample of stars (Sect 5.2). We present a theoretical study of the effects of the disk in the UV
spectrum of CBes in Section 5.3, and in Section 5.4 we investigate the effects of the usage of

priors in the Bayesian inference. The results of the BEATLAs modeling are shown in Sect. 5.6.

5.2 Motivation and Sample Selection

The main motivation for this study is to address issue number 2 discussed in Sect. 1.6: De-
tailed, self-consistent modeling of CBes are still rare, and studies of large samples are even rarer.
The results presented in this Section are also important to assess the ability of BEATLAS to infer
reliable parameters of the studied star. To this end, a careful comparison between our results and
those of the literature was made. However, one issue that presented itself from the beginning was
that the lack of studies of large samples that apply a reliable procedure to the data (more details
below) imply that a comparison with reference values must be done with some caution.

Our sample of stars comprises O, B and A stars, including the peculiar classes Be, Bn, Ae,
and Oe stars. Each selected peculiar class was detailed in Section 1.4. Basically, we selected
stars from the Bright Star Catalogue (Hoffleit and Jaschek, 1982, BSC) and from the Catalogue
of Be-Stars (Jaschek and Egret, 1982). Another criterium was to restrain our sample to stars in
the MS and the post-MS (sub-giants); for this reason, only stars with luminosity classes V and IV

(MS and subgiants) were selected. Naturally, stars without UV data were discarded.
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There were several missions covering the UV domain: EUVE (Malina et al., 1982) (70-760 A),
CHIPS (Hurwitz and Sholl, 1999) (90 — 260 A), ORFEUS (Kraemer et al., 1988) (400 — 1250 A),
Astro 2 (Stecher and UIT Science Team, 1994) (425 — 3200 A), FUSE (Cash, 1984) (905 —
1187 A), TUE (Macchetto, 1976) (1145 — 3300 A), and GALEX (Bianchi et al., 1997) (1300 —
3000 A). Among these missions, we adopted data from the International Ultraviolet Explorer
spatial mission - IUE - because this mission offered the largest sample, with a well-known and
tested reduction pipeline, as well as, for many objects, several observations at different dates,
which allowed us to look for variability in the data (see below).

The IUE had two cameras: the SWP camera (1145 — 1975A) and the long-wavelength
LWP/LWR cameras (1 850 — 3300 A)‘. Following Freire Ferrero et al. (2012), we only selected
high-dispersion large-aperture observations, because they can be flux calibrated. A proper flux
calibration is absolutely essential to our work. The IUE fits files were obtained from the INES
Archive Data Center?, maintained by ESA.

Another criterium used was to avoid stars with large intrinsic variability of the data. A similar
criterium was to discard wildly discrepant observations. As a measure of the variability, we

calculated the flux level, Fy, and its slope, m, for each spectrum by fitting a power-law function

/l m
f= Fo(/l—o) . (5.1

Both Fj, and m can be used as a proxy of data variability. For each selected star, we discarded
the spectra that were more than 3 o away from the mean values obtained for the inclination and
level, respectively. The final spectrum of each star was the average of all remaining spectra, and
the error of each data point was taken as the standard deviation of the mean. This procedure
ensures that intrinsic flux variability, if present, is properly considered in the estimates for the
parameter confidence levels.

As an example, the fitted parameters Fy and m obtained from each IUE spectra of @ Arae are
shown in Fig. 5.1. These results show that @ Arae can be considered stable in the UV domain.
We see that only two spectra were more than 3 o away from the average (dashed lines) in the
dates 1994-03-30 and 1986-04-06 (points with black error bars). These spectra were removed
from the analysis. Following the so-called 3 o rule of thumb (Kazmier, 2004).

In summary, our selection criteria were:

'https://nssdc. gsfc.nasa.gov/astro/astrolist.html;
2 http://sdc.cab.inta-csic.es/cgi-ines/IUEdbsMY.


http://sdc.cab.inta-csic.es/cgi-ines/IUEdbsMY
http://sdc.cab.inta-csic.es/cgi-ines/IUEdbsMY
https://nssdc.gsfc.nasa.gov/astro/astrolist.html
http://sdc.cab.inta-csic.es/cgi-ines/IUEdbsMY
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Figure 5.1: Parameters Fy and m found to @ Arae. Modified Julian Date (M JD) are in abscissas
and Fy and m parameters in ordinates. The dashed lines represent the mean values.

1. Nearby stars, members of BSC or the Catalogue of Be-Stars;
2. Availability of at least one IUE spectrum taken in the high-dispersion, large-aperture mode;

3. Deviant spectra, in the criteria described above, were discarded.
The final sample is listed in Table A.8. It is composed of 111 stars, out of which:

e 2 (1.8 %) are O stars and 2 (1.8 %) are Ae stars;

e 67 (60.4 %) are normal B stars, 30 (27 %) are CBes, 10 (9 %) are Bn stars.

5.3 The Eftects of the Disk in the UV Spectrum

As explained previously our goal is to investigate a sample of OBA stars from UV observations.
The choice of the UV domain appears to be a natural one, because: (i) B stars emit most of their
energy (over 70%) in the UV (e.g. Bless and Percival 1997; Fitzpatrick and Massa 1999); (ii)
for CBes, the contribution of the disk to the far UV spectrum is in general small (e.g. see Fig. 2
of Klement et al. 2015 and Fig. 1 of Briot 1978). Therefore, regarding the study of the stellar
properties, the UV domain should provide one of the best observables to develop a first application
of BEATLAS.

Despite these previous results already pointing to a weak influence of the disk in the UV
domain, we revisited this problem by using BEATLAs, exploring different scenarios. In order to

do that, we define the disk effect function as the following average taken in the UV domain,
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AF 1 (M |Fy = F
< > IFa— Fal ”ld/l, (5.2)
uv

Fulw My, —Fi
where A, = 1000 A, Amax = 3000 A, F% is the flux of a purely photospheric model and F'; the
total flux. The choice of Ay, and Ay, is somewhat arbitrary, but reflects the range for which
more abundant UV data was available (e.g., the TUE data).

Figure 5.2 shows the disk effect function for a few representative cases of CBe disks. For
instance, the first row shows the disk effects for a low-mass case (4 M) seen at two inclinations.
In this case, the disk effects in the UV domain increases with the inclination angle substantially
for n 2 3.5, reaching the maximum of ~ 0.0175, for pole-on orientation, and ~ 0.070 for edge-
on cases. This happens because 1) the smaller the n the larger the mass of the disk and the larger
the disk effect, and ii) the disk emission in the UV is very small (Vieira and Carciofi, 2017), but
the optical depth is rather large; therefore, the effects are larger for edge-on disks due to disk
obscuration of the central star.

In the second row we look at a typical early-type star (9 My). An interesting result in this
case is that the disk effects do not strongly depend of the density slope n, except for the edge-on
case. Because disks around early-type CBes can have much large densities, the values of the disk
effect function are much larger than the for the low-mass case. The maximum value attained by
this function is ~ 0.70 for edge-on orientation and ~ 0.20 for pole-on. As expected, we see that
in general either large X, or small n values are associated to strong disk effects.

In a nutshell, the disk effects in the UV become stronger towards early-spectral types and
edge-on orientations, showing a complex dependence on n. For low mass stars, the maximum
effects do not exceed ~ 2% in the range 0° < i < 70°, reaching ~ 7% for edge-on orientation.
For early-type cases, the maximum effects are between ~ 10 — 24% in the range 0° < i < 70°,
reaching ~ 70% for edge-on disk.

These results demonstrate that the disk effects in the UV are, for the most part, relatively small,
except at early spectral with dense disks and frequently even negligible. This is an important
realization, since it allows one to use UV observations to independently constrain the photospheric

parameters, as long as care is taken to avoid objects with quite dense disks.
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Figure 5.2: Top: UV disk effect function of a typical late-type Be star (M = 4 M) at different
orientations. Left: i = 30°. Right: i = 90°. Bottom: UV disk effect function of a typical early-type
Be star (M = 9 M) at different orientations. Left: i = 30°. Right: i = 90°.

5.4 The Influence of the vsini Prior

Before moving on to the main goal of this chapter, which is to apply BEATLAS to a sample of
OBA stars with UV observations, we use the photospheric grid of BEATLAs (Sect. 3.3.1) to model
IUE observations of the CBe a Arae.

Initially, and mostly as a didactic exercise, we compute the stellar, (M, t/tys, W), geometri-
cal and interstellar extinction (E(B — V)) parameters of o Arae using only the IUE data and the
distance prior (Eq. 4.3). Figure 5.3 shows the corner plot obtained. The posterior probability
distributions indicate that all the parameters were well constrained. As a second step, we redo
the procedure, but now considering the v sin i prior of Eq. 4.4, using vsin i = 305 + 15kms™!
(see Chapter 7 for more details about the choice of vsin 7). The results are shown in Figure 5.4.
At first sight, the posterior probability distributions appear narrower when compared with the
distributions shown in Fig. 5.3. This can also be seen by the (usually) narrower confidence inter-
vals listed on top of each diagonal subplot. This indicates that the v sin i prior, in fact, improves
the ability of BEATLAS to determine the stellar parameters from the fit of the UV spectrum. This

happens because the v sin i prior effectively narrows down the range of stellar models by associ-
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Figure 5.3: Cornet plot of a BEATLAs simulation of IUE observations of @ Arae. The inset shows

the fitted SED (blue points) in the upper panel and the residuals of the fit in the lower one. The
red line shows the best fit. The dashed lines in the diagonal subplots correspond to the 16th,
50th, and 84th percentiles of the distributions. The subplots under the diagonal subplots show the
probability densities correlations between all pairs of parameters.

ating lower posterior probabilities to sets of parameters with v sin i values far from the published
ones. This comparative work led us to adopt the v sin i prior, when available, for all studied

stars.
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Figure 5.4: Same as Fig. 5.3, using the prior of vsini (see text for details).
5.5 Results

The steps followed in this section were directed to explore the spectral limits of the Be phe-
nomenon, possible evolutionary links among peculiar stars (Bn, Be, Ae and Oe stars), and to
have a global overview of stellar properties of these stars, including rotational rates. We pro-
ceeded with the inference of the stellar parameters of the sample of stars shown in Section 5.2
following the procedure outlined in Sect. 4.4. The individual corner plots of each target, as well

as a plot of the UV spectrum and the best fit, are available in the Appendix M.
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Our results are compared to those of the literature from many sources. The main sources
are three papers: Frémat et al. (2005), Levenhagen and Leister (2006) and Zorec et al. (2016).
Frémat et al. (2005) used the input spectra of Chauville et al. (2001) for 130 Be stars, and applied
their own code, FasTRoT, to obtain their photospheric parameters. However, it should be pointed
out that the results of Frémat et al. (2005) have been questioned in the literature. For instance,
Rivinius et al. (2013) argue that their determination for the inclination angle have obvious issues.
According to the authors: “Unfortunately, a close inspection of the data reveals some potential
problems, e.g., in a histogram of the derived inclination the bin i > 80° is almost empty, even
known shell stars being assigned partly much lower inclinations”. Shell stars are Be stars seen
edge-on, and Fremat et al. failed to identify several stars as such in their study.

Furthermore, some comments are in order about the work of Levenhagen and Leister (2006).
They performed spectroscopic analyses of southern Be stars using non-rotating models. This can
result in inaccurate determinations of surface parameters such as 7.4 and log g (Townsend et al.,
2004). In addition, the derivation of parameters such as age, the old calibrations for non-rotating
stars of Schaller et al. (1992) were used. Therefore, a direct comparison between our results and
those of Levenhagen and Leister (2006) should be done with caution.

The results presented here are somewhat preliminary, as some of the most deviant cases, for
which our results and the reference values are very discrepant, still must be individually analyzed
before publication. In any case, the following can be regarded as a decisive test of the BEATLAS

and an assessment of its ability as an analysis tool.

5.5.1 Eftective Temperature and Surface Gravity

The effective temperature derived from BEATLAS is compared with the reference values in the
literature in Fig. 5.5. The three reference papers (see caption of the figure) all used spectroscopic
analyses of photospheric line profiles. Although some deviant cases do exist, the agreement is
generally good. The situation is different for the log g (Fig. 5.6). Even though most reference
values do not agree with our inferences, our values are inside the typical range for B-type stars
(3.7 Slogg < 4.2) (e.g. Silaj et al. 2014). We suspect that we may have made some mistake in
the log g calculation, because our error bars are way too small (Tab. A.9). Another issue is that
our values are systematically larger than the reference ones. Before the completion of this text

we did not find the reason for the small error or for the systematic shift in log g.
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Figure 5.5: A comparison of the values of T.q inferred for our sample (7 inr) With those of the
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Figure 5.6: Same as Fig. 5.5 for the surface gravity.

5.5.2 Luminosity and Age

In Figures 5.7 and 5.8, we show the comparison of the inferred luminosities and ages com-

pared with the literature. For the luminosity, we did find a good agreement between the results,

but the same is not true for the age, for which about 1/4 of the estimates are farther then 3 o from

each other. This latter discrepancy must still be better investigated.
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Figure 5.8: Same as Fig. 5.5 for fraction of the time spent in the MS.

5.5.3 Inclination Angles

by the degeneracy between the inclination and the luminosity. In principle, a fast-rotating star
with i ~ 0° and late spectral type could have a similar UV spectrum to that of a star of early
spectral type with i ~ 90°. Therefore, the inference of the i might influence substantially the de-
termination of the effective temperature, as surface temperatures which can vary over the stellar
surface by 50% between the pole and equator (Vinicius et al., 2007). In Fig. 5.9, we present a

comparison between the inclination angles inferred with the values found in the literature. Al-

The inclination angle determination is very important, mainly for fast rotators. It is justified
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Figure 5.9: Plot of the i calculated and from the references for each star. Red: data from Frémat
et al. (2005). Green: data from Zorec et al. (2016). Yellow: data from Tycner et al. (2006). Pink:
data from Meilland et al. (2012).

though, our error bars are large, since we only used the SED for estimating i. However, there is a

trend to lower inferred values, masked by the error bars.

5.5.4 Interstellar Extinction

Some inferred E(B — V) values are shown in Figure 5.10 together with their respective ref-
erence values (e.g. Dougherty et al. 1994; di Benedetto 1998; Hunter et al. 2006; Zorec et al.
2016). There 1s a trend for the reference values to be lower than the inferred, but they agree when

we consider the error bars.

5.5.5 Evolution of the Rotation Rate

Examining the relationship between the rotation rate and the stellar mass, we see no clear
dependence between them as shown in Fig. 5.11. This figure also shows that all selected Be
have W 2 0.4, consistent with results from the literature (Huang et al., 2010). Furthermore, the
selected stars cover the entire MS strip (Fig. 5.12). Our results support well-known results, e.g.
the presence of few Be stars with masses M < 7Mg, ~ 14% of the studied Be stars in the first
half of the MS phase (Frémat et al., 2005). Actually, most of our Be stars (~ 76 %) belong to
the second half of the MS phase. This is in agreement with the general belief that B stars spin up
during their MS evolution (Ekstrom et al., 2008); therefore, the Be/(B+Be) ratio increases with

age (McSwain and Gies, 2005). The evolutionary spin-up is quite clear in Fig. 5.13.
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Figure 5.10: Plot of the E(B — V) calculated and from the references for each star (¢: Hunter
et al. (2006), o: Dougherty et al. (1994) calculated using the 2200 bump; B: Zorec et al. (2016)).

Our results also indicate that low-mass B stars are born with a larger proportion of rapid
rotators than high-mass B stars (Huang et al., 2010). Moreover, our results point out to a wide
age range (0.0 < t/tys < 0.95) occupied by Bn stars. This result disagrees with earlier studies
that discuss the occurrence of Bn stars in the first MS evolutionary phases (Zorec et al., 2007).
higher rotational rates than high-mass B stars

Figure 5.13 shows the correlation between rotation rate and age. The results corroborate the
conclusion of Martayan et al. (2007), that the Be phenomenon appears earlier (¢/fys ~ 0.05) in

the MS for early B-types than for their late counterparts (¢/tys ~ 0.30).

5.6 Discussion

As a preliminary study, the results shown in this section demonstrate that our method, even
dealing with a large set of parameters and few observables (UV spectrum, parallax and v sin i), has
the capability of reproducing fundamental stellar parameters and the E(B — V) from an random
sample, with usually consistent errors. This was already expected for slow rotators, since there
is a clear unicity among them and their correspondent UV spectra. On the other hand, initially
it was not obvious that the UV alone could lift the degeneracy introduced by fast rotation and
viewing angle. The results show that it does. Furthermore, the usage of priors such as vsini can
improve the inference. We could reproduce important trends previously known in the literature
such as the spin up during the MS and the evidence that cooler Be stars are more likely to be

critical rotators (e.g. Cranmer 2005).
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As pointed out above, more work will be done before publishing the results of this chapter.
A careful, one by one analysis of each star must still be done. However, the results are largely
positive. Even though nothing new was discovered with this study in regards to the nature of

the stars and the properties of the sample, the results points to the usefulness of BEATLAS as an

analysis tool.
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Chapter 6

The Case of 8 CMi

6.1 Chapter Summary

There are different physical processes operating in Be disks, each of them being associated
with distinct observables. Therefore, the multiplicity of observations could, in principle, yield
complementary results, providing support for the modeling process. In this Chapter, we study
the SED and polarization of the CBe 8 CMi. The general properties of the star are reviewed
in Section 6.2. Next, the data and their reduction are shown (Sect. 6.3). The modeling of the
observations with BEATLAS is done in Section 6.4. In Section 6.5, we discuss and analyse our

results.

6.2 B CMi

In Chapter 1 we presented a summary of CBe variability (Sect. 1.2.1), with an emphasis on
disk variability. Early-type CBes are usually quite variable, and variability decreases towards
later spectral subtypes (Rimulo et al., 2018).

The CBe 8 CMi is a good example of this feature. It has been extensively observed in the
past few decades, and its disk has remained remarkably stable (see, e.g., Klement et al., 2015 for
a thorough review of this star). As such, this star is a gift from Nature, as it provides the perfect
opportunity to study a stable disk.

B CMi was the target of pioneer interferometric studies. For instance, Quirrenbach et al., 1997
published the disk and stellar diameters from interferometric measurements. They also estimated
the equatorial radius, R, = 3.6R,, and a lower limit for the disk size, Rp = 13R,. Later,
Tycner et al. (2005), also through long-baseline interferometric data, determined the rotation

rate (W = 0.85 +0.21) and the equatorial radius, R.q = 3.6 £ 0.3 R, obtained from Ha channels.
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Table 6.1 - Disk and stellar parameters of 8 CMi obtained from the literature.

Parameter Klement et al., 2015 Klement et al., 2017
Rpole[RQ] 2.8 2.8+0.2
M[M;] 3.5 3.5
L[Ls] 185 185+5
w 0.98 1.0

0.0025
B 0‘1367i0.0013 B
logjgpolg-cm™] —11.70 -11.78*0-18
Rp [Req] 35té0 40ié0
i[°] 43+3 -
d[pc] 49.6 _
E(B -V)[mag] - 0.01*502
n - 29+0.1

Recently, multi-technique analyses were applied to § CMi (Klement et al., 2015; Klement
et al., 2017). Both studies shared the same stellar parameters. Table 6.1 shows the best-fit
parameters of each study. For comparison, we adopted the results from Klement et al., 2017
since it resulted from a improved version of the Hpust code and from additional Very Large
Array (VLA)! measurements.

The model of Klement et al. (2015) and its revision in 2017 represents a landmark in the
Be literature, as it is still the most comprehensive model of a Be Star to date. One of the most
remarkable results was that a single model (a fast-spinning Be star surrounded by a steady-state
VDD) could explain a very large and diverse dataset, that included a SED from the UV to the radio,
optical polarimetry, spectroscopy, interferometry and spectrointerferometry.

One interesting result was the detection of a SED turndown in the radio that was successfully
modeled by a truncated disk (see Table 6.1). Under the assumption that the truncation was due
to an orbiting companion, the authors used the results of Panoglou et al. (2016) to predict the
semi-major axis and the orbital period of the secondary, which was later found by Dulaney et al.

(2017) by means of radial velocity measurements. We will come back to this point later on.

6.3 Observational Data Overview

A diversity of data is important to explore different system parameters because each spectral

domains reflects different physical mechanisms. The disk of Be stars are perhaps most conspicu-

"http://www.vla.nrao.edu/;
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ous at optical wavelengths by the presence of hydrogen Balmer and metallic emission lines (e.g.
HI and Fell lines) in their spectrum (Lamers et al., 1980). In the IR range, a strong emission
excess, of disk origin, arises from continuum bound-free and free-free thermal emission (e.g.
Cote and Waters, 1987). Besides these processes, the polarization of starlight by the disk is also
present (e.g., Yudin, 2001; Kjurkchieva et al., 2016).

Most of the observations used here are the same as the ones used by Klement et al. (2015),
but not all. We combined data from the literature, including photometric, polarimetric and spec-
troscopic data. Most data were accessed through online Virtual Observatory Tools (V0): Bess?,
VO SED Analyzer (VOSA, Bayo et al. 2008), Spectral Analysis Tool (VOSpec; Arviset et al. 2008),
MAST?, VAO*, SDSS’, AAVSO®, ESO archive’, US Virtual Astronomical Observatory®, and
from VizieR Photometry viewer (Ochsenbein et al., 2000). All the routines used to read and

plot the observational data are available in the GitTHus Repository Link”.

6.3.1 Photometric Data

VO Tools can provide the SED of an object by searching in several catalogues. Our photomet-
ric data comprises results of several observers and missions: Ducati (2002), Hipparcos (ESA,
1997), Mermilliod (1994), TUE, 2MASS, TYCHO (Hog et al., 2000) in the visual domain, DENIS,
IRAS, WISE (Cutri and et al., 2014) in the IR domain, AKARI (AKARI/IRC mid-IR all-sky Sur-
vey; Ishihara et al. 2010), MSX (MSX6C Infrared Point Source Catalog; Egan et al. 2003), SDSS,
and from the Catalogue of Homogeneous Means in the UBV System (Mermilliod, 1994).

Klement et al. (2015) presented the model of the radio SED of a CBe. They used new radio
data from APEX, as well as VLA data from the literature. In the 2017 revision of the model
(Klement et al., 2017), new VLA data was made available. Recently, they obtained the first 5 cm
and 10 cm measurements of a CBe disk, and these were kindly made available for this thesis.

The radio data is summarized in table 6.2.

2http://basebe.obspm. fr;
3http://archive.stsci.edu;
“http://vao.stsci.edu;
5http://www.sdss.org;
Shttp://www.aavso.org;
7http://archive.eso.org;
8http://vao.stsci.edu;

% https://github.com/tangodaum/AstroPLOT.


http://basebe.obspm.fr
http://archive.stsci.edu
http://vao.stsci.edu
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http://www.aavso.org
http://archive.eso.org
http://vao.stsci.edu
https://github.com/tangodaum/AstroPLOT
http://basebe.obspm.fr
http://archive.stsci.edu
http://vao.stsci.edu
http://www.sdss.org
http://www.aavso.org
http://archive.eso.org
http://vao.stsci.edu
https://github.com/tangodaum/AstroPLOT
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Table 6.2 - Recent radio data of 8§ CMi.

Band A Flux Flux Error Reference
[em] [erg/s/cm?/A] [erg/s/cm?/A]

K 136 224 x107%4 2.76 x107% R. Klement, priv. comm.
X 3 1.56 x10723 1.33 x1072®  R. Klement, priv. comm.
C 5 290 x1072° 2,64 x107%7  R. Klement, priv. comm.
S

10 228 x10727  6.00 x1072®  R. Klement, priv. comm.
0.087 1.53 x1072° 123 x1072!  APEX/LABOCA

6.3.2 Linear Polarization Data

Linear polarization of starlight can be intrinsic to the star and its immediate environment
or due to interstellar contribution. This measurement is one the most sensitive quantities to
detect circumstellar activity (Carciofi et al., 2007). The interstellar polarization results from dust
particles partially aligned to the Galactic fossil magnetic field (Cotton et al., 2016). In contrast,
the intrinsic polarization arises from scattering of starlight by circumstellar material. In CBe
disks, the polarigenic mechanism is Thompson scattering by free electrons present in the disk
(see, e.g., Wood et al. 1997). This polarization is strongly connected with the stellar subspectral
type, the density scale and with the inclination angle (Haubois et al., 2014).

We made use of polarimetric data from the Pico dos Dias Observatory (OPD-LNA) (Tab. A.6),
and from the HPOL Spectropolarimeter at the University of Wisconsin-Madison Pine Bluff Ob-
servatory (PBO) (Tab. A.7). The OPD-LNA data was reduced with packages developed by the
Beacon group'?, and described in Magalhaes et al. (1984, 1996) and Carciofi et al. (2007). We
obtained the HPOL data from the MAST Archive!l,

6.4 Modelling with Be Atlas

6.4.1 Modeling of the Entire SED

We applied the method described in Sect. 4.4 for the photometric data of 8 CMi. We define
two priors: 1) for the vsin i (Eq. 4.4), using the values of Becker et al., 2015, i.e. 248+13kms™,
which is in agreement with previous studies (e.g Yudin, 2005; Frémat et al., 2005); 2) a prior on

the distance (Eq. 4.3), for which we used the Hipparcos parallax (van Leeuwen, 2007).

10 http://beacon.iag.usp.br/;
" https://archive.stsci.edu/hpol/.
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Table 6.3 - Correlation matrix of the parameter correlations of 8 CMi. Red: strong correlation.
Orange: medium correlation. Green: weak correlation. Purple: no correlation.
w
t/twms
log ng
Rp

M, w t/tus logny Rp n i d

For the BEATLAS simulation shown in Fig. 6.2 we used 500 walkers and 300 steps. The
acceptance fraction of the simulation was 0.22. The chord diagram of the simulation is shown in
Fig. 6.3 and the convergence plot is shown in Fig. B.1.

The results of the SED fit with BEATLAS reveal several interesting points:

e The PDFs of all the parameters (diagonal row in Fig. 6.2) are well-defined, and tend to
zero towards the limits of the plots. Those are the characteristics of a well-converged

simulation, in which all parameters were sufficiently constrained;

e Most PDFs are single-peaked, with the exception of n, i, and E(B — V) that are double-
peaked. This reveals other possible solutions; however, the separation of the peaks are

probably not large enough to warrant this conclusion;

e We postpone a detailed comparison of our results with those of Klement et al. (2015, 2017)
for later. For the moment we notice that our derived mass M = 4.13 + 0.15 Mg is 0.6 Mg
larger than their value, but this is due to the fact that our self-consistent E(B — V) is larger

than their assumed value;

e The error in the mass is small (~ 0.2 M), and this deserves some careful consideration.
Typical spectroscopic determinations of the mass have usually much larger uncertainties,
so why are our results for the mass so precise? We believe this has to do with a combination
of two factors: 1) the UV spectrum is quite sensitive to the temperature (and mass) of the

star (see previous Chapter). 2) The E(B — V) is essentially zero for 8 CMi.
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Figure 6.1: (a) Schematic representation of disc components (Modified Figure 6 from Vieira
et al. (2015)). (b) Normalized brightness profiles at three spectral bands (top), and respective
formation loci curves (bottom) (Figure 13 of Vieira et al. (2015)).

The correlation matrix shown in Figure 6.3 reveals some interesting correlations between the
model parameters. Similar information is shown in Table 6.3 where we illustrate the degree of
dependence for each pair of parameters. To simplify this discussion, we selected some of the

most important correlations and grouped them into categories:

Stellar Mass

e There is a strong correlation between #/fys and M. This is expected because the stellar
luminosity is proportional to R (which is a function of age) and T4 (which is a strong

function of mass). For similar reason, a correlation between M and d is expected;

e The correlation between M and W appears because low-mass models with large rotation

rates may appear similar to high-mass models with small rotation rates;

e M and i are also correlated. Low-mass stars seen at low-inclination angles (pole-on) may
be similar to a high-mass star seen at high-inclination angles (edge-on). This is explained
because a less massive star seen pole-on will show a larger luminosity than when it is seen
from the equatorial region. Equivalently, a high-mass star seen at its equatorial region will

have a lower luminosity;
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e The E(B — V), as well as the mass, strongly affects the UV domain, which explains their

strong correlation.

Rotation Rate

e W and t/tys with d: W affects the projected size of the star on the Sky, depending on the
inclination, thus affecting the observed flux. #/fys is related to the stellar radius. For this

reason, these two pairs of parameters show some correlation.

Disk base density

e The density level (ny) and slope n are also correlated. To understand this it is useful to
recall the concept of pseudo-photosphere (Vieira et al., 2015). These authors showed that
the disk emission can be approximated as the sum of two disk components: an inner,
optically thick pseudo-photosphere and an outer, optically thin (Fig. 6.1a). The radius of
the pseudo-photosphere is a function of mainly » and n, (e.g., Eq. 8 of Vieira et al. 2015):
a dense disk with a steeper density slope may have a pseudo-photosphere of similar size

to a more tenuous disk with a shallower density slope;

e The concept of pseudo-photosphere may also explain some weaker correlations observed,

for instance, t/fys and log ny, W and n, etc;

o Interestingly, the density level n is strongly correlated with many parameters such as
mass, distance and inclination. These correlation arise again because the measured IR
excess requires a given size of the pseudo-photosphere (basically an emitting area) which

depends in complicated ways on all these parameters;

e log ng and i are anti-correlated. Thinking in terms of projected area of the pseudo-photosphere,
a low i and low log ny model may have a similar emitting area as a high i and high log n

model;

e One correlation that is surprising at first sight is ny and E(B — V). Why is a parameter
that only affects the blue part of the SED (E(B — V)) correlated with a parameter that
controls the disk emission (ny) and affects only the IR SED? We believe the answer is the

strong correlation between E(B — V) and M, which in turn also correlates with n,. This is
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an example of how complex the interdependence of the parameters can be, a complexity

revealed by the present analysis for the first time.

6.4.2 Modeling Different Sections of the SED

The concept of pseudo-photosphere outlined above suggests another approach to the data.
As seen in Fig. 6.1b, the pseudo-photosphere radius depends strongly on the wavelength: short
wavelength emission comes mostly from the inner disk while emission at long wavelengths
comes from the entire disk (Carciofi, 2011).

To investigate how much information each section of the SED carries about different model
parameter, we split the SED in different parts and performed the BEATLAs simulation in each part
and for several combinations of these parts. The results are displayed in the box plot of Fig. 6.4.
The abscissa indicates the SED section (or combination of sections) used. Each plot corresponds
to a given parameter, as indicated. For instance, the upper plot in the first column represents the
inference of the stellar mass for each spectral domain analyzed. In general, we verify that shorter
wavelengths (UV, visible and NIR) better constrain the stellar parameters: M, W, and t/fs. On
the other hand, the disk parameters (mainly Rp) are poorly constrained by these spectral domains.
When we include the MIR domain is a global improvement of the fit is seen, especially in the disk
parameters, log ny, Rp and n, and in the inclination angle. The stellar parameters are much worse
constrained when we remove the short wavelengths from the analysis. Overall, the best results
were obtained when the full SED was used (SED label in Fig. 6.4). This is easily understood by
the strong correlation seen among most of the parameters (Fig. 6.3): the removal of part of the
data may result in a worse determination of one or more parameters that, in turn, propagates to

all others.

6.4.3 Optical Polarization

The linear polarization is strongly dependent on the number of scatterers (free electrons) and
their geometry. It also depends a lot on the inclination angle (Haubois et al. 2014; Halonen
and Jones 2013). Therefore, one expects that polarization will provide useful constraints on
n, ng, and i. The results of a BEATLAS fit of the polarization data alone is shown in Fig. 6.5.
The convergence plot is shown in Fig. B.2. This is an example of a completely non-converged
simulation, that basically does not provide any useful constraint on any parameter. The reason

the polarization could not constrain the disk parameters and the inclination, as naively expected,
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Figure 6.2: Corner plot for a BEATLAS simulation of 8 CMi. See text for details. The inset shows
the SED in the upper part and the residuals of the fit in the lower part. Blue points: observed data.
Red line: the best fit.

is that the polarization is also strongly dependent on the stellar characteristics. For instance, the

number of scatterers in a CBe disk is given by

Rp
N, = 27rf rX(r)dr = f(Req,n, no, Ro). (6.1)
R

eq

Therefore, N. depends on the radius of the star. Because polarization alone cannot provide any
constraints on the stellar properties, this negatively impacts the inference power for the disk

parameters.
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Figure 6.3: Chord diagram of the Figure 6.2.
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Figure 6.5: Same as Fig. 6.2 for the linear polarization.

Interestingly, we can use additional priors based on the previous results obtained from the
entire SED. We can adopt a Gaussian kernel density estimator (KDE)'? for the PDF of each stellar
parameter (M, W and t/tys) constrained previously from the full SED. This additional prior
function becomes,

2

10g p.(©, @) = =0.5 [ Aa(M) + Av(W) + fijns (t/ta1s)] (6.2)

where fy, fw and f:/tMS are the inverse of the KDE distributions.

2 https://jakevdp.github.io/blog/2013/12/01/kernel-density-estimation/.
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Table 6.4 - Best fit parameters of § CMi. Free parameters: M, W, t/tys, log ng, Rp, n, i, d,
E(B - V). Derived parameters: log g, Ryote, L, Tefr» Bop-

Parameter Value Parameter Value
MMl 4137015 [log ng 1199105
]()g g 4047t888{ Rp [R4] 3520t?1580
Rpore [Ro] 3207504 | n 244257
LlLol 3653312 |i[°] 41,5035
Ter [K] 1408020, | d[pc] 503708

W 0.8170% | gap 0.21+004
t/ins 0.64*000 | E(B—V)[mag] 0.07:32

Using the above priors, another simulation was run to fit the polarization. The result is
shown in Figure 6.6, and the convergence plots is in Fig. B.3. Using the KDE priors of the stellar
parameters allowed for inferring the disk density scale and the inclination. Most importantly, the
values of these parameters agree with the previous determination. This is relevant because these
two independent observations (SED and polarization) probe different disk regions and are due to

different physical processes in the disk (free-bound and free emission vs. polarization).

6.4.4 Combining the Polarization and the SED

In the above we obtained two determinations of some of the model parameters using the full
SED (Fig. 6.2) and the polarization (Fig. 6.6). To combine both PDFs, one must simply multiply
them, thus obtaining a new PDF that takes both dataset into consideration. From the combined

PDFs (Fig. 6.7) we obtained the best-fitting parameters for 5 CMi, shown in Table 6.4.

6.5 Discussion

A comparison of our best-fit parameters with those of Klement et al. (2015, 2017) (Tab. 6.1)
shows an agreement for some parameters but a discrepancy for others. From now on, we refer to
the results of Klement et al. as the reference model.

Curiously, our estimate of the R.q and W match previous studies of Quirrenbach et al. (1997,
R.q = 3.6Ry) and Tycner et al. (2005, W = 0.85 + 0.21; Ry = 3.6 £ 0.3 R, but differ from the
reference model. This is likely due to the discrepancy in mass. We believe our inferred mass is
larger than the reference model because our E(B — V) is larger. It is worth noting that our results

are in agreement with those of Catanzaro (2013, 3.8 M) and Frémat et al. (2005, 3.5 + 0.2 M,).
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The inclination angle is in good agreement with the reference model, as well as with the val-
ues determined by Frémat et al. (2005, 54.5+2.9°) and Kraus et al. (2012, 38.5+1.0°). The close
match of our value of i and those of Kraus et al. and the reference model is a quite significant
result, since our model used only the SED and the polarization, while the other determinations
relied on interferometric measurements, which is quite sensitive to i. Finally, our estimate for the
age in the MS is in agreement with previous determinations (e.g. Zorec et al., 2005; Levenhagen
and Leister, 2006) suggesting that § CMi is in the second half of its MS lifetime.

As for disk, we found n = 2.44*037 and logny = 11.99*)3) in good agreement with the
reference model. According to Vieira et al. (2017), these are typical values for Galactic late-
type CBes (see their Fig. 7). The relatively low value of n deserves some further comments.
Since § CMi has a stable disk, and because isothermal steady-state disks have a density slope
of n = 3.5 (Bjorkman and Carciofi, 2005b), we speculate two possible causes for the low n: 1)
Accumulation effect caused by a binary companion (see Chapter 1 and Panoglou et al. 2016);
2) Non-isothermal effects in the disk, that may indeed cause a shallower profile (Carciofi and
Bjorkman, 2008). Further studies are necessary to clarify this issue.

Figure 6.8 shows the full SED of 8 CMi, together with our best-fit model and the reference
model. The SED turndown is easily seen around the wavelength 1 mm, and both models seem to
reproduce it well, which is expected given the rough agreement between the inferred values of
the disk radius, Rp, for both cases.

A comparison between the residuals shows some interesting features. The BEATLAs model
clearly performs better in the UV up to the FIR regions. The residuals of the reference model
are systematically offset to positive values. Furthermore, they have a negative slope. Both these
facts indicate that the stellar mass may have been underestimated by the reference model. This
further corroborates the larger mass found in our study. On the other hand, the reference model
performed much better in the microwave region of the SED. 